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• Coronal X-ray sources
• Early chromospheric ribbons
• Photospheric magnetic disturbances
• EUV/UV line broadening
• Pulsations/oscillations

Talk topics

Note – most observations presented here are M/X flares, most are eruptive, and we know 
that the CME acceleration correlates in time with HXR burst (Temmer+10)
Caveat – Though I’ve tried to avoid phenomena reported for only one events, it’s likely that 
none of the onset signatures reported here is universal.

Overview of some features appearing in the minutes before the flare impulsive phase 
(where this means strong HXRs, chromospheric footpoints)



Thermal preflare coronal sources

894 M. Battaglia et al.: Preflares

Fig. 2. Contour plots from CLEAN images (60%, 75% and 90% of maximum flare emission) of all events taken at the first fit interval of the rise
phase (left), the time interval when a non-thermal component could first be fitted (middle) and at the first appearance of the footpoints (right).
Those times correspond to the times of the spectra shown in Fig. 4. The energy bands are 6−12 keV (top), 12−25 keV (middle) and 25−50 keV
(bottom).

and at the time when the footpoints first appear. For each event,
3 energy-bands (6−12, 12−25, 25−50 keV) are shown.

All events start with a single source visible only at the lowest
energies in the range 6−12 keV (upper left image of the 9-image
panel per flare in Fig. 2). This is interpreted as a source at the top
of a loop (coronal source). After some minutes two additional
sources appear at higher energies (25−50 keV) which are inter-
preted as chromospheric footpoints (lower right image of each
flare in Fig. 2). In three events the position of the first appearing
source is clearly displaced from the footpoint position, implying
that there is an actual loop geometry with a coronal source on
top and footpoints in the chromosphere. In the fourth event, the
separation is not as clear but from the spectral evolution (see

next section) one can still assume a coronal-source-footpoints-
geometry.

3.2.1. Movement of coronal sources

We analyzed the time evolution of the source position by mea-
suring the centroid position of the 50% contour in CLEAN and
Pixon images in the energy range 6−12 keV. The position from
both imaging methods agree within the uncertainties. Figure 3
displays the 70% contour from CLEAN images with positions
as found from CLEAN. Colors go from black to light (time of
first appearance of footpoints). The positions shown indicate the
position of the coronal source from the beginning until the time
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Battaglia+09

Battaglia+09 - 4 RHESSI events with pre-flare emission:

• Initially thermal coronal sources (T~20 MK)
• Coronal ne~ few x 109 cm-3, increasing over ~60s 

(interpreted as conduction-driven evaporation)
• Coronal non-thermal tail appears after ~60-100s
• Footpoints after another ~200s 

Early-phase coronal heating precedes impulsive phase 
by minutes

Also e.g. Siarkowski+09, Awasthi+14, Battaglia+19

See also Simões talk & Hudson poster “hot onsets”, 



Non-thermal preflare coronal sources

Non-thermal sources can accompany thermal sources during the rise phase. 
Rare - possibly since pre-flare corona is not very dense

Hard X-ray emission from the solar corona 161
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Fig. 1 Example of coronal emission before the impulsive phase in the 23 July 2002 flare. Top left X-ray time
profiles and spectrogram from GOES and RHESSI, showing thermal emission with a gradual evolution and
a second component at higher energy with fast time variations of tens of seconds. Top right photon spectrum
with thermal fit (red) including fits to the Fe and Fe/Ni complexes (Phillips 2004), and non-thermal fit in
blue. Bottom imaging reveals that the fast time variation component mostly comes from the corona. RHESSI
contours in the thermal range (red) and at higher energies (blue) are shown for the time range outlined by
vertical bars in the panel to the left. The image shown is a TRACE 195Å image taken at 00:26:00 UTC

suggesting that the two components come from different emission plasma components.
X-ray spectral fitting reveals a relatively flat spectrum that can either be represented by
a (broken) power law5 (with photon power law index γ ≈ 5), or by a multi-thermal fit

5 In this paper we normally describe the spectral photon flux by a power law (hν)−γ , and the electron
number spectrum by E−δ , both indices positive.

123

e.g. Lin+03, Veronig+06, Caspi & Lin 10

SOL2002-07-23 coronal source:
• Occurs prior to main impulsive phase
• No HXR footpoints evident
• Non-thermal component, varies on ~10s timescales
• ne ~ 1010 cm-3

• Microwaves imply Bcor ~ 200G (Asai+06)

Krucker+08

July 23 2002

SOL2003-11-03: Veronig+06 observe pre-flare thermal to non-
thermal evolution, and downwards source motion
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Fig. 1.—Coregistered TRACE 1600 Å images from the 2000 March 17 M1.1 flare. The images clearly show the development of the flare ribbon prior to the
onset of the hard X-ray emission, which occurred at about 11:10 UT. The images are in area, scaled logarithmically from 102 to 104 DN s!1 and rotated′′ ′′85 # 85
so that north is to the left and west is up. The color table has been reversed so that bright regions are dark. Light curves for the points marked with circles are
shown in Fig. 2. Only one in every 15 available images is shown.

Fig. 2.—TRACE light curves for the six points indicated in Fig. 1. Each 1600 Å time series is normalized to the maximum value in the time interval shown.
The scaling factor is indicated on the plot. Also shown on each plot is the normalized BATSE hard X-ray light curve. The vertical line represents the assumed
onset of the hard X-ray emission.

and 1999 January 16 events were too low for meaningful image
reconstruction with HXT.
Observations with TRACE and other instruments have shown

that active regions are very dynamic, and it is reasonable to ask
if these preflare brightenings only appear to be associated with
the flare. TRACE UV active region movies typically show many
transient brightenings in the period before a flare. These active
region brightenings, however, are generally either localized to a
few pixels or jetlike. The preflare brightenings for the two-ribbon
flares analyzed in this study, in contrast, appear as long, slender
ribbons. Thus, the morphology of these preflare brightenings
provides strong evidence that they are not associated with typical
active region dynamics. For flares where the flare loops are not
arranged along ribbons, the association of the preflare activity

with the flare is less clear. In these events, the preflare bright-
enings occur very close to the brightest flare footpoints, but
coincidence cannot be ruled out without a larger sample of
events. We have noted the morphology of each flare in Table 1.

4. SUMMARY AND DISCUSSION

We have presented high spatial resolution observations of flare
footpoint evolution with TRACE. By combining these data with
hard X-ray observations from HXT and BATSE, we have been
able to investigate both the spatial and temporal evolution of
energy deposition into the chromosphere and transition region
during the earliest stages of a flare. In these data, we have found
evidence for ribbon brightenings that precede the onset of the

Early appearance of flare ribbons - UV
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and 1999 January 16 events were too low for meaningful image
reconstruction with HXT.
Observations with TRACE and other instruments have shown

that active regions are very dynamic, and it is reasonable to ask
if these preflare brightenings only appear to be associated with
the flare. TRACE UV active region movies typically show many
transient brightenings in the period before a flare. These active
region brightenings, however, are generally either localized to a
few pixels or jetlike. The preflare brightenings for the two-ribbon
flares analyzed in this study, in contrast, appear as long, slender
ribbons. Thus, the morphology of these preflare brightenings
provides strong evidence that they are not associated with typical
active region dynamics. For flares where the flare loops are not
arranged along ribbons, the association of the preflare activity

with the flare is less clear. In these events, the preflare bright-
enings occur very close to the brightest flare footpoints, but
coincidence cannot be ruled out without a larger sample of
events. We have noted the morphology of each flare in Table 1.

4. SUMMARY AND DISCUSSION

We have presented high spatial resolution observations of flare
footpoint evolution with TRACE. By combining these data with
hard X-ray observations from HXT and BATSE, we have been
able to investigate both the spatial and temporal evolution of
energy deposition into the chromosphere and transition region
during the earliest stages of a flare. In these data, we have found
evidence for ribbon brightenings that precede the onset of the

• 9 events seen with TRACE 1600, Yohkoh HXT, BATSE 
(Warren & Warshall 01)

• All show UV ribbons preceding HXRs by minutes.
• Eventual HXR sources appear at slightly different 

locations from UV ribbons

HXR onset

See also: 
Fárnik & Savy 96, 98 - no clear spatial 
relationship between pre-flare & flare 
SXR sources (Yohkoh SXT)

TRACE 1600 (solid) & BATSE 25-100keV (dotted)



Early appearance of flare ribbons - EUV
The Astrophysical Journal, 771:104 (13pp), 2013 July 10 Fletcher et al.
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Figure 4. SDO/AIA 131 Å channel images, with contours drawn at 175 DN s−1 pixel−1. Summing inside these contours results in the light curves in Figure 5. Boxes
in the top left image outline three different regions of interest: (1) northern ribbons, (2) subset of these ribbons, referred to as the northern footpoints, and (3) southern
loops. The image intensity has been logarithmically scaled.
(A color version of this figure is available in the online journal.)

exposure time. The data have been despiked, and inspection of
the despiked pixel locations shows that only around 10 flar-
ing pixels per image have been removed over the time of inter-
est. The main flare ribbons in the north start to appear around
17:54 UT, and are well-defined, mostly unsaturated, and easy to
distinguish from the main loop arcade that starts to brighten from
around 18:10 UT onward. The location of ribbons is compared
across AIA channels in Figure 1. Contours at 700 DN s−1 pixel−1

from the 211 Å filter are overlaid on the other images. There is
a very good correspondence—at the level of one or two pixel-
s—between the brightest ribbon sources in the north across the
AIA wavelength range. Several other sources in the southern
sunspot area are also spatially well-correlated. This indicates
that the ribbons emit across a broad range of temperatures, from
around 100,000 K to ∼10 MK.

4.3. AIA 131 Å and GOES Light Curves

The two main parts of the flare—the northern ribbons and
the southern loops—have quite different characteristics, and the
overall light curve in the AIA passbands is a composite of these.
In Section 4.1 we demonstrated that the synthesized 131 Å light
curve most closely matches the GOES light curves, and with
SDO/AIA imaging the 131 Å light curve can be decomposed
into contributions from the different regions shown in Figure 4.
We separate the flare into three regions: the bright loops near
the sunspot, at around (−470′′, 70′′), the ribbons and loops
to the northeast of these, and then a subset of pixels in the

ribbons (referred to as the “northern footpoints”) which are
not so affected by the presence of loops later in the event.
These regions are shown in Figure 4. We sum emission from
sources within each of these three boxes having intensity above
175 DN s−1 pixel−1, as shown by the contours in Figure 4. These
capture the majority of the ribbons and loop emission.

The summed pre-flare background intensity from each box
is subtracted from the summed intensity in sources above
175 DN s−1 pixel−1, and the result is normalized to the maxi-
mum value of the total background-subtracted 131 Å intensity
from the whole field-of-view. This results in the dotted, dashed,
and dot-dashed curves in the upper panel of Figure 5. The nor-
malized and background-subtracted GOES 1–8 Å emission is
shown as a solid curve. Between around 17:58 UT and 18:08 UT
the southern loops dominate the 131 Å intensity. The emission
from the northern regions, which include ribbons and later on
loops, becomes significant (∼10% level) at 18:05 UT and starts
to dominate the southern sources after 18:08 UT. We conclude
that there is a period from about 18:08 to 18:10 during which
the AIA 131 Å light curves, and by implication the GOES light
curves, have a strong or even dominant contribution from the
flare ribbons and footpoints. After around 18:10 the emission
labeled “northern ribbons” in Figure 5 develops a strong contri-
bution from the loops which start to appear in the corresponding
box. In the “northern footpoints” box, however, loops do not
appear until later and the bursty character of the emission that
one would associate with footpoints or ribbons rather than loops
is apparent for longer—up to around 18:12. We reason that this
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Figure 9. Evolution with time of the RHESSI spectral fit parameters. From the
top, the panels show the normalized corrected RHESSI count rates in 3–6, 6–12,
and 12–25 keV, the emission measure of the isothermal plasma component, the
temperature of this component, the total non-thermal electron number flux, F35
above low-energy cutoff Ec in units of 1035 electrons s−1, the electron spectral
index δ, and the electron low-energy cutoff.
(A color version of this figure is available in the online journal.)

GOES. This is provided by the SolarSoft GOES software, and
calculation is based on the Chianti (Version 5) spectroscopic
database (Landi et al. 2006). Coronal abundances are assumed.
The flare excess power in the He ii 304 Å line measured by
EVE is also shown, as is the power in the SDO/AIA 1600 Å and
1700 Å channels, calculated using the known telescope response
functions in those channels.

In the first few minutes of the flare, until around 18:12 UT,
the 1700 Å passband dominates the flare radiative output. The
1700 Å passband is designed to measure continuum, and has
a passband of around 200 Å. Full spectrum data are not avail-
able, and the event was not detectable in AIA/HMI data, pre-
sumably being too weak. So a total radiative power budget
is hard to assemble, but it is reasonable to assume that the
full UV-to-optical continuum will contain perhaps 10 times

the excess power in the 1700 Å passband. Kretzschmar (2011)
carried out a superposed epoch analysis of flares of different
classes, finding that for flares in class C4 to M2.8 the total ir-
radiance is 250–500 times the GOES 1–8 Å luminosity. This
would correspond to 3.75–7.5 × 1026 erg s−1 at 18:06 UT and
5–10 × 1026 erg s−1 at 18:08 UT. The multiplying factor of
250–500 represents average values over the duration of the
flare; however, the longer wavelength emissions (i.e., optical
to UV) which constitute the bulk of the radiated power, occur
preferentially during the earlier parts of a flare. An estimate
of the ratio of the irradiance enhancement to the GOES 1–8 Å
luminosity enhancement during a flare’s impulsive phase (as
indicated by the maximum of the GOES derivative) was made
in a flare reported by Woods et al. (2004). Measurements of
the X17 flare SOL2003-10-28:T11:10 show an increase in the
total solar irradiance at the peak of the GOES derivative in
SOL2003-10-28:T11:10 of 268 ppm, or 360 mW m−2, while
the GOES flux at this time is around 1 mW m−2. This gives a
ratio of total power to GOES 1–8 Å power during the impul-
sive phase of around 360, in the middle of the range found by
Kretzschmar (2011).

6.2. Energy Input from RHESSI

The RHESSI data provide the means to estimate the en-
ergy input to the chromosphere, under the collisional thick
target assumption that the HXRs are produced by collisional
bremsstrahlung during the passage of non-thermal electrons
through a dense target, in which the electrons are stopped com-
pletely by Coulomb collisions. The power delivered by non-
thermal electrons above cutoff energy Ec (in keV) is estimated
from the electron distribution parameters shown in Figure 9,
using

P (E > Ec) = δ − 1
δ − 2

1035F35

Ec

erg s−1, (1)

where F35 is the total number of electrons per second above the
low-energy cutoff Ec, in units of 1035 electrons per second and
δ is the electron spectral index. The total power in electrons is
shown by the triangle symbols in Figure 11. There is sufficient
energy to account for the radiated components at EUV and
SXR, but as mentioned previously the energetically dominant
UV-optical range is not sampled. From the arguments in
Section 6.1 we might expect the total power radiated to be
∼360 times the GOES 1–8 Å luminosity, or ∼10 times the
1700 Å power. This could readily be provided by a beam with
the parameters inferred. There will also be conductive losses and
work done to drive evaporation. We will return to the former in
Section 6.3.

The RHESSI data also allow us to evaluate the non-thermal
EM, defined as EMnt = nntniV , where nnt is the number
density of non-thermal electrons in the source producing the
HXR emission, ni the ambient ion density in that source, and V
the source volume. Knowing the thermal EM, EM = neniV
it is thus possible to determine the ratio of non-thermal to
thermal electrons in the source. EMnt is determined from the
fit parameters of the photon energy (ϵ) spectrum I (ϵ) = Aϵ−γ ,
e.g., Lin (1974):

EMnt = 3.85×1041Aγ (γ −1)2B

(
γ − 1

2
,

3
2

)∫ ∞

Ec

E−γ +1/2dE,

(2)

giving EMnt corresponding to non-thermal electron energy
E ! Ec. Here, γ is the photon spectral index (= δ − 1 in
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Figure 9. Evolution with time of the RHESSI spectral fit parameters. From the
top, the panels show the normalized corrected RHESSI count rates in 3–6, 6–12,
and 12–25 keV, the emission measure of the isothermal plasma component, the
temperature of this component, the total non-thermal electron number flux, F35
above low-energy cutoff Ec in units of 1035 electrons s−1, the electron spectral
index δ, and the electron low-energy cutoff.
(A color version of this figure is available in the online journal.)

GOES. This is provided by the SolarSoft GOES software, and
calculation is based on the Chianti (Version 5) spectroscopic
database (Landi et al. 2006). Coronal abundances are assumed.
The flare excess power in the He ii 304 Å line measured by
EVE is also shown, as is the power in the SDO/AIA 1600 Å and
1700 Å channels, calculated using the known telescope response
functions in those channels.

In the first few minutes of the flare, until around 18:12 UT,
the 1700 Å passband dominates the flare radiative output. The
1700 Å passband is designed to measure continuum, and has
a passband of around 200 Å. Full spectrum data are not avail-
able, and the event was not detectable in AIA/HMI data, pre-
sumably being too weak. So a total radiative power budget
is hard to assemble, but it is reasonable to assume that the
full UV-to-optical continuum will contain perhaps 10 times

the excess power in the 1700 Å passband. Kretzschmar (2011)
carried out a superposed epoch analysis of flares of different
classes, finding that for flares in class C4 to M2.8 the total ir-
radiance is 250–500 times the GOES 1–8 Å luminosity. This
would correspond to 3.75–7.5 × 1026 erg s−1 at 18:06 UT and
5–10 × 1026 erg s−1 at 18:08 UT. The multiplying factor of
250–500 represents average values over the duration of the
flare; however, the longer wavelength emissions (i.e., optical
to UV) which constitute the bulk of the radiated power, occur
preferentially during the earlier parts of a flare. An estimate
of the ratio of the irradiance enhancement to the GOES 1–8 Å
luminosity enhancement during a flare’s impulsive phase (as
indicated by the maximum of the GOES derivative) was made
in a flare reported by Woods et al. (2004). Measurements of
the X17 flare SOL2003-10-28:T11:10 show an increase in the
total solar irradiance at the peak of the GOES derivative in
SOL2003-10-28:T11:10 of 268 ppm, or 360 mW m−2, while
the GOES flux at this time is around 1 mW m−2. This gives a
ratio of total power to GOES 1–8 Å power during the impul-
sive phase of around 360, in the middle of the range found by
Kretzschmar (2011).

6.2. Energy Input from RHESSI

The RHESSI data provide the means to estimate the en-
ergy input to the chromosphere, under the collisional thick
target assumption that the HXRs are produced by collisional
bremsstrahlung during the passage of non-thermal electrons
through a dense target, in which the electrons are stopped com-
pletely by Coulomb collisions. The power delivered by non-
thermal electrons above cutoff energy Ec (in keV) is estimated
from the electron distribution parameters shown in Figure 9,
using

P (E > Ec) = δ − 1
δ − 2

1035F35

Ec

erg s−1, (1)

where F35 is the total number of electrons per second above the
low-energy cutoff Ec, in units of 1035 electrons per second and
δ is the electron spectral index. The total power in electrons is
shown by the triangle symbols in Figure 11. There is sufficient
energy to account for the radiated components at EUV and
SXR, but as mentioned previously the energetically dominant
UV-optical range is not sampled. From the arguments in
Section 6.1 we might expect the total power radiated to be
∼360 times the GOES 1–8 Å luminosity, or ∼10 times the
1700 Å power. This could readily be provided by a beam with
the parameters inferred. There will also be conductive losses and
work done to drive evaporation. We will return to the former in
Section 6.3.

The RHESSI data also allow us to evaluate the non-thermal
EM, defined as EMnt = nntniV , where nnt is the number
density of non-thermal electrons in the source producing the
HXR emission, ni the ambient ion density in that source, and V
the source volume. Knowing the thermal EM, EM = neniV
it is thus possible to determine the ratio of non-thermal to
thermal electrons in the source. EMnt is determined from the
fit parameters of the photon energy (ϵ) spectrum I (ϵ) = Aϵ−γ ,
e.g., Lin (1974):

EMnt = 3.85×1041Aγ (γ −1)2B

(
γ − 1
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,
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)∫ ∞

Ec

E−γ +1/2dE,

(2)

giving EMnt corresponding to non-thermal electron energy
E ! Ec. Here, γ is the photon spectral index (= δ − 1 in
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SOL2010-08-07 (Fletcher+13)

• EUV pre-flare ribbons appearing 
minutes before impulsive phase

• Heated to ~10MK
• Basically stationary, at essentially same 

locations as later HXR sources
• Showed insufficient energy in non-

thermals electrons to heat pre-flare
ribbons 

• Also not clear that conduction can heat
pre-flare ribbons.

See also Simões+15 – early hot footpoints

Early ribbons



Photospheric field changes - timing

Flare-related non-reversing changes in the photospheric field are well known 
(e.g. Wang+94, Kosovichev+Zharkova01 Sudol+Harvey 05, Petrie+Sudol 10)

Timing of changes with respect to other flare signatures is less well studied

changes from the c-maps over 1 minute intervals around each
flare for each of the start, midpoint, and end times from ts-, t0-,
and te-maps, respectively. Figure 5 shows the computed total
magnetic flux change as well as total flux of the HXR signal as
functions of time. Most of the field changes start before or
around the start time of the detectable HXR flare emission, and
they end at about the same time or later than the detectable
HXR signal. The three strongest flares, the X6.5, X8.3, and
X10.0, show a peak in the total magnetic flux change ∼1.5, 3,
and 4 minutes, respectively, earlier than the peak in the HXR
signal. The maximum in the flux change appears at or around
the same minute in all three histograms, for the start, peak, and
end times, indicating that the largest flux changes take a short
time to occur. More than 54% of the field changes are complete
within a minute, and more than 75% of them are complete
within 3 minutes. These fast field changes do not occur at other
times.

The Levenberg–Marquardt least-squares function fitting
method (Press et al. 2007) was used to fit Equation (1) to

the magnetogram pixel time series. Besides values for the
parameters, this algorithm also produces values for the
associated variances, which we can use to estimate the errors
associated with the parameter values. The estimated midpoint
time t0 of a stepwise field change has a smaller error than the
estimated start and end times ts and te, as the latter ones
strongly depend on the duration of the step: the longer the step
duration, the larger the uncertainty of ts and te (see Petrie &
Sudol 2010, for details). The mean uncertainty in t0 in our
analysis is ∼0.28 minutes, which is smaller than the time
differences between the peak in total flux change and the peak
in the HXR signal found for the three strongest flares in
this work.
The two weaker flares do not seem to have a strong peak in

the flux change at a certain time and the field changes do not
show a clear temporal relation to the HXR signal. For these
flares, only very few pixels had field-change amplitudes around
or above 100 G, and in general the number of field changes that
passed the rejection criteria and were larger than 50 G is less

Figure 5. Total flux change as a function of time during each of the five flares observed by GONG. The time axis is in minutes relative to the start time of the GOES
flare. Black solid, dark-gray dashed, and light-gray dashed–dotted lines correspond to the start, midpoint, and end times, respectively. Total HXR flux is overplotted
in red.
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Timing of field changes and HXRs in 5 X flares 
(Burtseva+15) 
GONG field changes fitted with 

B(t) = a+ b(t) + c
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Photospheric field changes - position

Map of ‘c’ parameter (strength of field change) with 
RHESSI source centroids superposed

In all flares studied, good correspondence of early 
HXR sources and strongest field changes

In the X2.1 flare observed by HMI two footpoints move
along the PIL in the same direction (see Figure 4) and seem to
start turning away from the PIL at the last data point. However,
it is hard to say what happened beyond the time frame of the
HXR data set we have for this flare. The spatial location of the
two footpoints coincides with the location of the strongest
magnetic field changes in both radial, Br, and horizontal, Bh ,
vector field components and corresponds to the strong change
in tilt angle.

In all of the analyzed flares, the early RHESSI emission
corresponds well to locations of strong field changes. The
strong field changes occur predominantly in the regions of
strong magnetic field near the PIL. The later RHESSI emission
does not correspond to significant field changes as the
footpoints are moving away from the PIL.

4. COMPARISON OF HXR WITH UV AND EUV
OBSERVATIONS FROM TRACE AND AIA

In order to visualize the location and evolution of the HXR
footpoints during a flare with respect to the coronal loop
configuration, we overplot the HXR sources on top of TRACE
171, 195, and 1600 Å images (subject to availability of the
particular TRACE data) and run the movies constructed from
these data. The comparison suggests that the HXR footpoints
seem to be confined to short, bright loops. We see that, in
agreement with previous studies (e.g., Masuda et al. 2001;
Fletcher & Hudson 2002; Cheng et al. 2012), the HXR sources
are well correlated in space and time with bright kernels of the
UV and extreme UV (EUV) emission. GONG intensity and
TRACE WL observations (subject to availability) show the
HXR footpoints moving roughly along the umbral–penumbral

Figure 3. Same as Figure 2, but for the X6.5, X8.3, and X10.0 flares, the three stronger flares in our analysis observed by GONG. RHESSI 50–300, 50–300, and
50–100 keV HXR footpoint contours for the three flares, respectively, superposed in light blue are at levels from 50% to 90% of the maximum counts at around the
emission peak time.
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sweep across photosphere with the flare 
ribbons (as identified in Ha red wing)

mainly along the PIL (red-colored region in Figure 1(f)). To
better disclose the Bh evolution, we make fixed difference Bh

images relative to a pre-flare time. From the time-lapse
animation, it is remarkable to notice that the enhancement of
Bh not only shows up around the PIL (Wang et al. 2018a), but
also moves away from the PIL and spreads across the flaring
region, mimicking the flare ribbon motion. More intriguingly, a
negative δBh front, meaning a transient weakening of Bh,
appears to precede the moving Bh enhancement, especially at
the southern portion of the eastern ribbon and the entire western
ribbon.

To accurately characterize the Bh evolution associated with
the flare ribbon motion, time–distance maps along slits S1–S4
(drawn in Figure 1(b)) based on the fixed difference Bh images
are presented as the backgrounds of Figure 2. They are
overplotted with contours of the same time–distance maps but
based on the running difference Hα+1.0Å images that

highlight the ribbon fronts. We constructed these slits by
orientating elongated windows (with various length but a
common short side of 0 78) approximately perpendicular to
the observed ribbon motion at 26° counterclockwise from the
solar west, and averaged the pixels across the short sides. The
distance shown is measured from the ends of slits closest to
the PIL. In Figure 3, the temporal evolution of Hα+1.0Å
emission (blue) is compared with that of vector magnetic field
(red; in terms of Bh, Bz, inclination angle relative to the vertical
direction, magnetic shear, and azimuth angle) at several
representative positions P1, P2a, P2b, and P3 along the slits
(as marked in Figure 1(b); values averaged over 7×7 pixels2

centered on them). Here the magnetic shear for evaluating the
nonpotentiality is computed as B·θ (Wang et al. 1994, 2006),
where BB = ∣ ∣ and B B B Bcos p p

1q = - ( · ) ( ), with the sub-
script p representing the potential field, which we derived
using the fast-Fourier transform method (Alissandrakis 1981).

Figure 1. Evolution of flare ribbons and magnetic fields. (a) Hα+1.0Å image near the flare peak showing the two major flare ribbons. The magenta lines contour Bz

map (smoothed by a window of 0 7 × 0 7) at±1600G. (b) Bz image superimposed with curves (color-coded by time) that depict the progression of flare ribbon
fronts. Note that the western ribbon and its evolution are not entirely captured due to the limited FOV of GST. The overplotted lines S1–S4 and SC indicate the slit
positions of the time slices and vertical cross sections shown in Figures 2 and 5, respectively. The magnetic field evolution in several sample positions (P1, P2a, P2b,
and P3) is plotted in Figure 3. (c) Bz image superimposed with arrows (color-coded by direction; see the color wheel) that illustrate DAVE4VM flows averaged
between 17:52:56 and 18:13:17UT (sunspot rotation phase; Liu et al. 2016a) subtracted by the flow field averaged between 17:32:35 and 17:51:29UT. The two white
circles mark the regions of rotational motion. A window size of 23 pixels was set for DAVE4VM tracking. (d)–(f)Maps of Bh in the pre- and post-flare states and their
difference. The PIL is overplotted in (a)–(b) and (d)–(f). All the images in this paper are aligned with respect to 17:34:03UT. An animation of the images in panels (a),
(b), and (f) is available. From left to right the sequences show images of Hα+1.0Å, Bz, and fixed difference of Bh (relative to 17:34:03 UT). The sequences start at
2015 June 22 17:35:35UT, 17:35:30UT, and 17:35:30UT, and end at 18:39:27UT, 18:39:26UT, and 18:39:26UT, respectively. The video duration is 3s.

(An animation of this figure is available.)
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When appropriate, we also fit these time profiles of magnetic
properties with a step function (green lines; Sudol &
Harvey 2005). Based on these results, we observe the
following.

Along the slit S1, there exists a close spatial and temporal
correlation between the motion of the eastern flare ribbon and
the enhancement of Bh (Figure 2(a)), especially after the time of
the first main HXR peak (vertical dashed line). At P1 (see
Figure 3, first column), with the arrival of ribbon front the

photospheric field turns more inclined relative to the surface,
with Bh and inclination angle increased stepwise by
244±24G and 6°.4±0°.6 in ∼0.5 and 1.5 minutes, respec-
tively; also, magnetic shear sharply increases by ∼250% but
then returns to the pre-flare level in about 20 minutes. In
contrast, Bz evolved more gradually without an abrupt change.
In the meantime, a transient increase of azimuth angle meaning
a temporary counterclockwise rotation of field vectors can be
noticed (Xu et al. 2018).

Figure 2. Correlation between flare ribbon motion and Bh change. The background portrays time slices for the slits S1–S4 (as denoted in Figure 1(b)) using the fixed
difference images (relative to the pre-flare time at 17:34:03 UT) of Bh, showing the Bh change. The superimposed black lines are contours (at 600 DN) of time slices
for the slits S1–S4 (smoothed by a window of 0 23 × 0 23) using the running difference Hα+1.0Å images, showing the motion of ribbon front. The estimated
ribbon velocities along each slit are denoted. In particular, along the slit S2, the speed of the ribbon front is ∼15km s−1 during 17:52–17:55UT and ∼1.5km s−1

during 17:55–18:06UT, as denoted in (b). For all the slits, the distance is measured from the end closest to the PIL. The horizontal dashed lines mark the positions of
P1, P2a, P2b, and P3 relative to their corresponding slits. The vertical dashed line indicates the time of the first main HXR peak at 17:52:31UT.
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• vnth varies on a timescale of 10s
• vnth increases before the flare, and decreases 

as the flare heats. 
• ‘non-thermal’ KE before flare ~ thermal energy 

of the 80,000K flare plasma

=> Energy transferred from turbulence     to 
plasma on 10s timescale
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Fig. 2. Temporal evolution of Si IV spectral lines during the flare. The Si IV lines at six example flare times (black), observed over a 2″ region along the north-south
direction. The lines are fitted with a single Gaussian (gray) that provides an estimate of the line centroid position (vertical purple line) and FWHM (horizontal turquoise line). We
show the inferred Si IV reference wavelength plus its uncertainty (1402.775 ± 0.020 Å) (lime regions) and the Si IV laboratory wavelength (1402.77 Å) (black dashed lines).

A

B

Fig. 3. Temporal evolution of the Si IV line properties during the flare. (A) The total FWHMs and nonthermal velocities vnth (turquoise) and (B) the centroid
positions and bulk velocities v (purple), observed over a 2″ region along the north-south direction. Both the results of the Gaussian fitting and the moment analysis
(see legend) give near-identical results. The Si IV integrated intensity (gray) and the RHESSI 6- to 12-keV light curve (black) are displayed. The dashed lines indicate the
times of six spectral lines shown in Fig. 2. Top: A sinusoidal function is fitted to the variations in vnth, estimating the period P and amplitude A (see legend). Bottom:
Inferred reference wavelength (lime) and uncertainty (red and blue).
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Pre-flare coronal line broadening

Uth ∝ nV ∼
ffiffiffiffiffiffiffiffiffiffiffi
EMV

p
, the effect of a volumetric filling factor

less than unity is to reduce them both somewhat, but the
ratio K=Uth is preserved. While K attains its peak value
around the same time (∼01∶25 UT) as the SXR flux, it
notably has a value equal to some 20% of its peak value as
early as 01∶40 UT, well before the peak in the HXR flux.
Similar behavior is also seen in MHD simulations [38].
Figure 4 also shows the ratio of the turbulent kinetic energy
K (ergs) to the power P (erg s−1) in energetic electrons; the
ratioK=P (which is a measure of the time it takes a power P
to energize or deplete a reservoir of energy K) has a
relatively steady value of order 1–10 s.
To estimate the available energy in the magnetic field, we

used two independent techniques: (i) microwave spectral
data from NoRH and NoRP, and (ii) extrapolated HMI
line-of-sight photospheric magnetograms. The microwave
spectra were fitted assuming isotropic electrons with a
power-law energy spectrum as determined from the
RHESSI HXR spectrum. Using fast gyrosynchrotron codes
[39], we reproduced the observed NoRP microwave fluxes
at three frequencies: 17 and 34 GHz (in the optically thin
range) and 9.4 GHz (near the spectral peak); the best-fit
spectra corresponded to an average magnetic field strength
B≃ ð300 − 400Þ G. The coronal magnetic field strength
was also estimated from potential-field (minimummagnetic
field strength) extrapolation of the observed HMI line-of-
sight photospheric magnetograms, giving B≃ 300 G at
heights∼1.5 × 104 km,where the bulk of the radio emission
is observed. These mutually consistent values of the mag-
netic field strength B correspond to a total magnetic energy
ðB2=8πÞV ≃ ð7 − 12Þ × 1030 erg. Following [4], we esti-
mate that the magnetic energy available for dissipation (i.e.,

the excess over the potential field energy) is 30% of the total
magnetic field energy, or ∼2 × 1030 erg.
An enduring challenge in flare physics relates to how such

a large fraction of the storedmagnetic energy is converted to
energy in accelerated particles. In relation to particle
acceleration, there are, broadly speaking, two representa-
tions of turbulence (stochasticity): “wave turbulence”
[20,40,41] and a “stochastic ensemble of current sheets”
[38,42–44]. These two concepts are not necessarily unre-
lated, since there is a tendency for MHD turbulence to form
current sheets [45]. In both scenarios, energy produced at
large scales systematically cascades to smaller and smaller
scales, where the energy is eventually dissipated to produce
heating and acceleration of nonthermal particles. The rate of
energy release at large scales and the rate of subsequent
energy transfer to smaller, dissipative, scales together
determine the rate at which particle acceleration can occur.
In light of this discussion, two aspects of the turbulent

energy content K inferred herein are significant. First, the
turbulent energy is observed (Figs. 1 and 3) to be spatially
concentrated in the coronal part of the magnetic loop below
the observed cusplike structure, where the primary energy
release is believed to occur. Second, its energy content K
grows to a significant level well before the peak in HXR
intensity, i.e., before the maximum rate of electron accel-
eration (Fig. 4). Together, these features lead us to propose
that turbulence constitutes a viable channel for the conduit
of cascading energy. Although the instantaneous turbulent
energy content K is only a percent or so of the available
magnetic energy (and of the thermal energy Uth in the
SXR-emitting plasma), the transfer of energy out of the
turbulent energy reservoir could be sufficiently rapid for
the associated power to rival that associated with dissipa-
tion of the turbulence and the acceleration of nonthermal
particles. The ratio of K=P (Fig. 4) shows that for such a
scenario to be viable the turbulent energy must be dis-
sipated (and replenished) on a time scale ∼1–10 s. Such a
time scale is consistent not only with observed fluctuations
in the time profile of the HXR emission in the event studied
here, but also with many previous studies [1,3].
It is well known [46] that dissipation of anisotropic

Alfvén MHD turbulence occurs on a time scale
L⊥=hvnthi, where L⊥ is the characteristic scale associated
with variations δB perpendicular to the guiding magnetic
field. The “side-on” geometry of this particular flare
on the sky (Fig. 1) suggests that the observed line-of-
sight velocity fluctuations hvnthi correspond to motions
perpendicular to the guiding field. And although L⊥ is
not directly observable, the dissipation time scale can
nevertheless be estimated as follows [46]. The energy
density associated with a turbulence-perturbed magnetic
field δB is UB ≃ ðδBÞ2=8π. Equating this to the turbulent
energy content K¼ð1=2Þnmhv2nthi, we obtain hv2nthi≃
ðδBÞ2=4πnm. Since the Alfvén speed VA ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
B2=4πnm

p
,

it follows that hvnthi=VA ≃ δB=B≃ L⊥=L∥, where L∥ is

FIG. 4. Flare energetics. Left panels, top to bottom: power P
(erg s−1) in nonthermal electrons above the low-energy cutoff Ec,
density n (cm−3) of the SXR-emitting plasma, thermal energy
content Uth (erg) of the SXR-emitting plasma. Right panels, top
to bottom: bulk kinetic energy K (erg), ratio K=P (s), and ratio
K=Uth (dimensionless).
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less than unity is to reduce them both somewhat, but the
ratio K=Uth is preserved. While K attains its peak value
around the same time (∼01∶25 UT) as the SXR flux, it
notably has a value equal to some 20% of its peak value as
early as 01∶40 UT, well before the peak in the HXR flux.
Similar behavior is also seen in MHD simulations [38].
Figure 4 also shows the ratio of the turbulent kinetic energy
K (ergs) to the power P (erg s−1) in energetic electrons; the
ratioK=P (which is a measure of the time it takes a power P
to energize or deplete a reservoir of energy K) has a
relatively steady value of order 1–10 s.
To estimate the available energy in the magnetic field, we

used two independent techniques: (i) microwave spectral
data from NoRH and NoRP, and (ii) extrapolated HMI
line-of-sight photospheric magnetograms. The microwave
spectra were fitted assuming isotropic electrons with a
power-law energy spectrum as determined from the
RHESSI HXR spectrum. Using fast gyrosynchrotron codes
[39], we reproduced the observed NoRP microwave fluxes
at three frequencies: 17 and 34 GHz (in the optically thin
range) and 9.4 GHz (near the spectral peak); the best-fit
spectra corresponded to an average magnetic field strength
B≃ ð300 − 400Þ G. The coronal magnetic field strength
was also estimated from potential-field (minimummagnetic
field strength) extrapolation of the observed HMI line-of-
sight photospheric magnetograms, giving B≃ 300 G at
heights∼1.5 × 104 km,where the bulk of the radio emission
is observed. These mutually consistent values of the mag-
netic field strength B correspond to a total magnetic energy
ðB2=8πÞV ≃ ð7 − 12Þ × 1030 erg. Following [4], we esti-
mate that the magnetic energy available for dissipation (i.e.,

the excess over the potential field energy) is 30% of the total
magnetic field energy, or ∼2 × 1030 erg.
An enduring challenge in flare physics relates to how such

a large fraction of the storedmagnetic energy is converted to
energy in accelerated particles. In relation to particle
acceleration, there are, broadly speaking, two representa-
tions of turbulence (stochasticity): “wave turbulence”
[20,40,41] and a “stochastic ensemble of current sheets”
[38,42–44]. These two concepts are not necessarily unre-
lated, since there is a tendency for MHD turbulence to form
current sheets [45]. In both scenarios, energy produced at
large scales systematically cascades to smaller and smaller
scales, where the energy is eventually dissipated to produce
heating and acceleration of nonthermal particles. The rate of
energy release at large scales and the rate of subsequent
energy transfer to smaller, dissipative, scales together
determine the rate at which particle acceleration can occur.
In light of this discussion, two aspects of the turbulent

energy content K inferred herein are significant. First, the
turbulent energy is observed (Figs. 1 and 3) to be spatially
concentrated in the coronal part of the magnetic loop below
the observed cusplike structure, where the primary energy
release is believed to occur. Second, its energy content K
grows to a significant level well before the peak in HXR
intensity, i.e., before the maximum rate of electron accel-
eration (Fig. 4). Together, these features lead us to propose
that turbulence constitutes a viable channel for the conduit
of cascading energy. Although the instantaneous turbulent
energy content K is only a percent or so of the available
magnetic energy (and of the thermal energy Uth in the
SXR-emitting plasma), the transfer of energy out of the
turbulent energy reservoir could be sufficiently rapid for
the associated power to rival that associated with dissipa-
tion of the turbulence and the acceleration of nonthermal
particles. The ratio of K=P (Fig. 4) shows that for such a
scenario to be viable the turbulent energy must be dis-
sipated (and replenished) on a time scale ∼1–10 s. Such a
time scale is consistent not only with observed fluctuations
in the time profile of the HXR emission in the event studied
here, but also with many previous studies [1,3].
It is well known [46] that dissipation of anisotropic

Alfvén MHD turbulence occurs on a time scale
L⊥=hvnthi, where L⊥ is the characteristic scale associated
with variations δB perpendicular to the guiding magnetic
field. The “side-on” geometry of this particular flare
on the sky (Fig. 1) suggests that the observed line-of-
sight velocity fluctuations hvnthi correspond to motions
perpendicular to the guiding field. And although L⊥ is
not directly observable, the dissipation time scale can
nevertheless be estimated as follows [46]. The energy
density associated with a turbulence-perturbed magnetic
field δB is UB ≃ ðδBÞ2=8π. Equating this to the turbulent
energy content K¼ð1=2Þnmhv2nthi, we obtain hv2nthi≃
ðδBÞ2=4πnm. Since the Alfvén speed VA ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
B2=4πnm

p
,

it follows that hvnthi=VA ≃ δB=B≃ L⊥=L∥, where L∥ is

FIG. 4. Flare energetics. Left panels, top to bottom: power P
(erg s−1) in nonthermal electrons above the low-energy cutoff Ec,
density n (cm−3) of the SXR-emitting plasma, thermal energy
content Uth (erg) of the SXR-emitting plasma. Right panels, top
to bottom: bulk kinetic energy K (erg), ratio K=P (s), and ratio
K=Uth (dimensionless).
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(EIS) [29], which produces EUV spectral line profiles; and
(5) the Nobeyama Radioheliograph and Radiopolarimeters
[30], which measure the radio-wave radiation.
Figure 1 shows the general morphology of the flare

consistent with the flare reconnection geometry [11]; its
near-limb location allows us to readily ascertain its vertical
structure. The flare has a cusp-shaped coronal structure,
clearly visible in the AIA 193 Å image that delineates hot
flare plasma with temperature ∼107.3 K; the EIS Fe XXIV
192 and 255 Å line intensities, which both delineate plasma
with temperature ∼107.2 K, both exhibit a similar structure.
RHESSI observations reveal a bright coronal (loop-top)
SXR (6–15 keV) source and two HXR (≳25 keV) foot-
points where the accelerated electrons, traveling along the
magnetic field lines, impact the relatively dense chromo-
spheric layers of the atmosphere. Using the EUV and SXR
images, we estimate the height of the magnetic loop to
be ∼1.5 × 104 km.
Figure 2 shows the temporal evolution of the flare in radio,

SXRs and HXRs. The SXR emission has a spectral shape

consistent with bremsstrahlung from a Maxwellian distri-
bution of electrons in a thermal plasma with T∼107.5K,
while the HXR emission is produced by bremsstrahlung
from higher energy (≳25 keV) nonthermal electrons and
typically has a harder, power-law, spectral shape. The peak
in HXR emission occurred at ∼01∶41 UT, followed at
∼01∶45 UT by the peak in SXR emission. The main
microwave peaks at 17 and 34 GHz were observed by
Nobeyama at ∼01∶41 UT, near the time of the peak
in HXRs.
Following the methods described in [3,7], which include

consideration of the primary bremsstrahlung emission

FIG. 1. Morphology of the flare. Top: SDO/Atmospheric
Imaging Assembly (AIA) 193 Å image (background); RHESSI
x-ray contours at 50% of peak value for 6–15 (red) and 25–
50 keV (blue) energy ranges, EIS Fe XXIV (255 Å) intensity map
(white contours at 30% and 75% of peak value), and Nobeyama
34 GHz radio emission (green contours at 30% and 75% of peak
value). Bottom: Cartoon showing the different flare elements and
the cooling postflare magnetic loops. FIG. 2. Temporal evolution of the 2013 May 15 solar flare

parameters. Top to bottom: RHESSI x-ray and Nobeyama radio
light curves, acceleration rate of nonthermal electrons _N (from
RHESSI HXR data), plasma temperature T (from RHESSI SXR
data), and the nonthermal broadening velocity hvnthi (from
Hinode/EIS) averaged over the area within the 50% (6–15) keV
contour shown in Fig. 1. The grey dotted vertical lines show the
beginning and end of each EIS raster time, and the vertical range of
each box indicates the uncertainty in the quantity.
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mechanism, instrumental pulse pile-up effects, and the
albedo flux resulting from photospheric reflection of
primary source HXRs, HXR observations allow us to
infer the spatial and spectral distributions of the emitting
energetic electrons (Fig. 2). The rate of production, _N, of
accelerated electrons above a specified energy E is roughly
proportional to the overall intensity of the HXR spectrum
above that energy. Because the HXR spectrum, and hence
the accelerated electron spectrum that produces it, is quite
steep (∝ E−δ with a power-law index δ typically ∼4–6), the
total energy in accelerated electrons depends on the shape
of the low-energy end of the HXR spectrum. We selected
time intervals to avoid instrumental effects such as RHESSI
shutter motions and applied the methodology in [31] to
produce a range of values of _N consistent with data at each
time interval throughout the flare, as shown by the vertical
extent of the boxes in Fig. 2.
The emission measure EM ¼ n2V and temperature T of

the hot thermal SXR-emitting plasma are determined from
an isothermal fit [3] to the SXR spectral component; their
variations throughout the event are shown in Fig. 2. Using
the inferred value of the EM and the source volume V
estimated from Fig. 1 leads to an estimate of the source
density n, which is the lower limit because of the possibility
that the emission originates only from a fraction of the
observed flare volume, although the estimates [32] indicate
that this “filling factor” is consistent with unity.
Broadening of spectral lines in excess of the thermal

Doppler width [33] is a signature of turbulent motions,
associated either with plasma oscillations [23] or unre-
solved bulk plasma motions [8]. To estimate the extent of
such turbulence, we use the EIS Fe XXIV spectral line
profiles at 192 and 255 Å. Since the Fe XXIV 192 Å line
represents some 80% of the total intensity in the AIA 193 Å
passband, the EIS and AIA images were coaligned by
cross-correlating the EIS 192 Å intensity maps with the
AIA 193 Å images. Then, the EIS Fe XXIV 255 Å line
profile at each point in the image was fitted using a
Gaussian, following the procedure in [10], which allows
for instrumental effects. The characteristic nonthermal
broadening velocity vnth is then determined from the extent
to which the observed spectral line width exceeds that
expected from thermal line broadening [10]. Figure 3
shows the spatial distribution of the 255 Å nonthermal
line-broadening velocities throughout the source for the
time interval starting 01:35:56 UT (Fig. 2), which corre-
sponds to the interesting epoch just prior to the peak in the
HXR light curve. Pixels were excluded where the intensity
was either too strong (saturated) or too weak for vnth to be
reliably determined. The turbulent velocity tends to be
larger by ∼50% near the apex of the magnetic loops and
along the outer edge of the arcade [34]. Figure 2 shows the
time variation of hvnthi, the value averaged over the area A
inside the 50% contour of the RHESSI HXR (6–15 keV)
map (Fig. 3).

A similar procedure was used for the Fe XXIV 192 Å
line; however, this line was more strongly saturated [34]
and hence useful measurements were available only near
the start and the end of the flare. Where information from
both Fe XXIV 255 and 192 Å lines were available (i.e.,
before 01∶36 UTand after 02∶03 UT), the inferred values of
the average nonthermal broadening velocity hvnthi agreed
within 10% (Fig. 2). Typical values of hvnthi in this 107.2 K
plasma were found to be ð60–100Þ km s−1. This is some-
what lower than the previously reported (spatially unre-
solved) measurements of hvnthi≃ 200 km s−1 at higher
temperatures [32,33,35,36], suggesting, not surprisingly,
that hotter plasma may admit higher turbulent velocities.
The total turbulent kinetic energy K ∝ hvnthi2 could there-
fore be larger by a factor of ∼4than that inferred from the
107.2 K lines alone.
The power in nonthermal electrons is given by

P ¼ ½ðδ − 1Þ=ðδ − 2Þ% _NEc; its time history closely matches
that of the HXR flux. RHESSI images (Fig. 1) show both the
location and the area A of the coronal source, deduced from
the 50% intensity contour in the (6–15) keV map, allowing
an estimate of the source volume V ¼ A3=2 ≃ 2 × 1027 cm3,
and hence [4] the thermal plasma energy in the coronal
source Uth ¼ 3kT

ffiffiffiffiffiffiffiffiffiffiffi
EMV

p
, where k is Boltzmann’s constant.

The turbulent kinetic energy K at each EIS raster
time is calculated using K ¼ ð3=2Þmihvnthi2npV, where
mi¼ 1.3mp is the mean ion mass for solar coronal
abundances [37] and n ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffi
EM=V

p
is the number density.

Figure 4 shows the ratio of the turbulent kinetic energy K
(ergs) to the instantaneous thermal energy content Uth
(ergs); the temporal behavior of K is similar to that of Uth,
with K being some 2 to 3 orders of magnitude smaller,
varying between 1027 and 1028 ergs. Since both K and

FIG. 3. Nonthermal velocity broadening map for the time
interval 01∶35:56 UT (see Fig. 2). Background: SDO/AIA
193 Å. Grey scale material: EIS Fe XXIV (255 Å) nonthermal
broadening velocity map. Red contour, 50% of maximum
intensity in 6–15 keV HXR; blue contour, 50% of maximum
intensity at 25–50 keV HXR.
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(EIS) [29], which produces EUV spectral line profiles; and
(5) the Nobeyama Radioheliograph and Radiopolarimeters
[30], which measure the radio-wave radiation.
Figure 1 shows the general morphology of the flare

consistent with the flare reconnection geometry [11]; its
near-limb location allows us to readily ascertain its vertical
structure. The flare has a cusp-shaped coronal structure,
clearly visible in the AIA 193 Å image that delineates hot
flare plasma with temperature ∼107.3 K; the EIS Fe XXIV
192 and 255 Å line intensities, which both delineate plasma
with temperature ∼107.2 K, both exhibit a similar structure.
RHESSI observations reveal a bright coronal (loop-top)
SXR (6–15 keV) source and two HXR (≳25 keV) foot-
points where the accelerated electrons, traveling along the
magnetic field lines, impact the relatively dense chromo-
spheric layers of the atmosphere. Using the EUV and SXR
images, we estimate the height of the magnetic loop to
be ∼1.5 × 104 km.
Figure 2 shows the temporal evolution of the flare in radio,

SXRs and HXRs. The SXR emission has a spectral shape

consistent with bremsstrahlung from a Maxwellian distri-
bution of electrons in a thermal plasma with T∼107.5K,
while the HXR emission is produced by bremsstrahlung
from higher energy (≳25 keV) nonthermal electrons and
typically has a harder, power-law, spectral shape. The peak
in HXR emission occurred at ∼01∶41 UT, followed at
∼01∶45 UT by the peak in SXR emission. The main
microwave peaks at 17 and 34 GHz were observed by
Nobeyama at ∼01∶41 UT, near the time of the peak
in HXRs.
Following the methods described in [3,7], which include

consideration of the primary bremsstrahlung emission

FIG. 1. Morphology of the flare. Top: SDO/Atmospheric
Imaging Assembly (AIA) 193 Å image (background); RHESSI
x-ray contours at 50% of peak value for 6–15 (red) and 25–
50 keV (blue) energy ranges, EIS Fe XXIV (255 Å) intensity map
(white contours at 30% and 75% of peak value), and Nobeyama
34 GHz radio emission (green contours at 30% and 75% of peak
value). Bottom: Cartoon showing the different flare elements and
the cooling postflare magnetic loops. FIG. 2. Temporal evolution of the 2013 May 15 solar flare

parameters. Top to bottom: RHESSI x-ray and Nobeyama radio
light curves, acceleration rate of nonthermal electrons _N (from
RHESSI HXR data), plasma temperature T (from RHESSI SXR
data), and the nonthermal broadening velocity hvnthi (from
Hinode/EIS) averaged over the area within the 50% (6–15) keV
contour shown in Fig. 1. The grey dotted vertical lines show the
beginning and end of each EIS raster time, and the vertical range of
each box indicates the uncertainty in the quantity.
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Long-duration pre-flare coronal line broadening

Harra+13: EIS increase in non-thermal Fe XII 
195Å observations of line width preceding 4 
M/X flares by 10s of minutes

Non-thermal width enhancements at base of 
active region loops (A,B) and also corona (C) 
in eruptive events

Also Harra+09 – broadening increasing for 
some hours prior to major eruption, 
associated with helicity injection (Magara & 
Tsuneta 08)

The Astrophysical Journal, 774:122 (14pp), 2013 September 10 Harra et al.

Figure 6. Top left panel shows an AIA 193 image at 04:35 with Vnt contours
(Fe xii, 40–50 km s−1) in gray and the RHESSI contours in white (12–25 keV).
The box shows the location of the EIS field of view. The top right panel shows
the line-of-sight magnetic field data from HMI. Below are four Vnt images
derived from Fe xii and taken at different times showing the location of the
sources of high Vnt. Arrows highlight the enhancements seen in non-thermal
velocity before the flare starts.
(A color version of this figure is available in the online journal.)

at 04:54 UT. A partial halo CME is detected by LASCO with a
linear speed of 788 km s−1.

Figure 8 shows light curves for Fe xii intensity and non-
thermal velocity for three regions in the EIS field of view. The
highest intensity occurs in the main part of the active region
(region A is a subset of this). The non-thermal velocity of
region A has two distinct peaks. The first one occurs nearly
20 minutes before the intensity peak. The timing of this peak
is consistent with the first eruption. Region B shows virtually
no intensity increase but there is an enhancement in the non-
thermal velocity which again happens tens of minutes before the
flare begins. This region has weak intensity, but the non-thermal
velocity is showing enhancements well before the flare begins,
fluctuating around 50 km s−1 for hours (which is above quiescent
active region levels), and then jumps to over 70 km s−1 as the
eruption begins. Region C above the loops shows two peaks,
the first occurring early in the eruption phase, and the second
peak at the time of the intensity peak. By this point, post-flare
loops have formed, but we are observing a non-thermal velocity
enhancement above these.

Figure 9 shows the AIA 193 Å image and difference image
below with the non-thermal velocity contours overlaid. The non-
thermal velocity enhancements before the eruptive occur over
an extended area which appear to lie along the extent of the
dimming structure. STEREO-B EUVI data is shown before the
eruption with a difference image shown below. The dimming
region is in approximately the same location as for the previous
flare described on the September 24.

3.3. 2011 September 25 15:26 UT Flare

Since the M7.4 flare on September 25 04:37 UT there were
two more M-class flares and one C-class flare. There was a 4 hr
period of relative quiet before the event at 15:26 UT occurred.
This event is an M3.7 GOES classification flare that starts at
15:26 UT. Figure 10 shows an AIA 193 Å image at 15:32 UT

Figure 7. Top plot shows the intensity of the Fe xii emission line from the whole field of view of the EIS raster in the thin black line, and the non-thermal velocity in
the thick black line. The non-thermal velocity peaks close in time to the intensity peaks. The three images shown at the bottom are AIA 193 images around the time of
the non-thermal velocity peak. The online material shows an AIA animation combining the 171, the 335, and the 94 wave bands for this flare. An intensity light curve
of each waveband is also shown.

(An animation and color version of this figure are available in the online journal.)
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Figure 8. Top image shows the EIS intensity image of the Fe xii emission line at 15:32. Superimposed are three regions of interest. The contours are for the non-thermal
velocity contours at levels 30 and 40 km s−1. The plots below the image show the intensity in these three regions and at the bottom the peak non-thermal velocity in
each region. Region A shows the most dramatic changes in both intensity and Vnt. Region C also shows significant changes in the Vnt but little change in intensity.
(A color version of this figure is available in the online journal.)

with the HXR and non-thermal velocity contours overlaid. There
is one HXR source that lies in the core of the active region. There
is enhanced non-thermal velocity there, but in addition above
and to the side of the bright loops. The temporal evolution
of the non-thermal velocity is also shown (the active region
before the event, the pre-flare, rise, and peak of the flare).
At the pre-flare phase there are a number of pixels that are
showing enhancements. One of the regions with enhancements
is a distinct structure of roughly 20′′ in length. This structure
lies along the region that is starting to erupt as seen in the AIA
movies. In addition there is again a source to the west of the
flaring region. The start of the flare shows strong enhancements
that are in the core of the region and above, and at the peak of
the flare the erupting structure can be clearly seen.

Figure 11 shows the time evolution of the Fe xii intensity
and non-thermal velocity for the whole EIS field of view. In
this case the intensity and non-thermal velocity rise at the same
time and peak within the timescale of one EIS raster. The AIA

images show the start, rise, and peak of the flare. At 15:26 UT
a bright region is observed, which is highlighted by an arrow.
This appears to be flare ribbons and is consistent with the early
enhanced non-thermal velocity being in the brightest ribbon. By
15:32 UT the large eruption was underway. There is a weak CME
related to this event, which has a linear speed of 440 km s−1.

Figure 12 shows lightcurves of the Fe xii intensity and non-
thermal velocity for three regions in the EIS field of view. The
highest intensity occurs in the main part of the active region. In
the non-thermal velocity there are also two distinct peaks—the
first one occurs early at 15:26 UT, and the second one occurs
close in time to the intensity peak. Although region B is removed
slightly from the core of the active region and shows no intensity
peak, it shows significant fluctuations for well over an hour
before the flare erupts. This region shows variations in all the
previous flares described and is playing a role in the eruption of
these events. Region C, which is located above the main bright
looptops, shows an early small enhancement in intensity, but
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Preflare oscillations

determine the location and timing of thermal and kinematic
processes during the precursor phase.

In this work, a precursor transverse oscillation is reported for
the first time on a hot sigmoid structure. In the past, the sigmoid
has been suggested as a pre-existing magnetic flux rope (MFR;
e.g., Titov & Démoulin 1999; Savcheva et al. 2012; Cheng
et al. 2015). We further infer that the oscillation is caused by
the interaction between the MFR and the ambient magnetic
arcade. In Section 2 we present the observations and results,
which are followed by discussions and a conclusion in
Section 3.

2. OBSERVATIONS AND RESULTS

The event of interest is an eruption that produced a GOES
X1.6 class solar flare and a fast halo CME with a speed of
1267 km s−1 on 2014 September 10. It originated in the NOAA
active region (AR) 12158 at the location of N11E05 in
heliographic coordinates. The flare had an onset time at 17:21
UT that signified the beginning of the impulsive phase, and a
peak time at 17:45 UT based on the GOES report. This eruption
was studied in the aspect of quasi-periodic pulsations
originating from the flare ribbon (Li et al. 2015), slipping
magnetic reconnection (Li & Zhang 2015), the formation of

MFR (Cheng et al. 2015), and chromospheric evaporation
(Tian et al. 2015). Unlike those works, here we focus on the
precursor activity of the eruption.

2.1. Data and Data Processing

The data used in this work are mainly from the Interface
Region Imaging Spectrograph (IRIS; De Pontieu et al. 2014)
and Solar Dynamics Observatory (SDO; Pesnell et al. 2012).
IRIS observed AR 12158 from 11:28 to 17:58 UT, spanning
about 6 hr before the eruption. The IRIS slit is located at
(−108″, 124″) with the observing mode of sit-and-stare,
vertically crossing the sigmoid from the north to the south
(see Figure 1(f)). The IRIS data have a spatial pixel size of
0 166 and a cadence of 9.5 s. The spectral pixel sizes of its
FUV and NUV are 0.026Å and 0.025Å, respectively. For the
Slit-Jaw Images (SJIs) at 1400 and 2796Å passbands, they
have a cadence of 19 s. In this work, we used the level 2 data.
The wavelengths in observations were calibrated according to
the cool line C II, which almost kept stationary in the line center
of 1354.288Å during both the precursor and main phases.
Extreme Ultraviolet (EUV) imaging data from the Atmo-

spheric Imaging Assembly (AIA; Lemen et al. 2012) on board
SDO provide the detailed time evolution of coronal EUV

Figure 1. Surface signatures of the flare/CME on 2014 September 10 are shown in IRIS and SDO/AIA EUV images. The white boxes denote the field of view of
IRIS/SJI observations. The yellow and red contours show the longitudinal magnetic fields obtained by SDO/HMI at the level of ±500 G. In this figure as well as the
following ones, the black vertical lines indicate the IRIS slit and the oscillation was detected between two short black bars.

(An animation of this figure is available.)
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structures over the full Sun. They have a typical cadence of 12 s
and a pixel size of 0.6 arcsec. Similar to Tian et al. (2015), we
co-aligned the images from IRIS and SDO by comparing the
shape of the sunspot and compact brightening structures in
SDO/AIA 1600Å and in IRIS/SJI 1400Å at the same
moment. Then the position shifts were obtained to locate all
the analyzed IRIS data according to the position of the
SDOimages. The solar rotation of all SDO data was removed
through registering to the moment at 17:18 UT.

2.2. Oscillation of the Flux Rope in the Precursor Phase

The studied surface signatures can be learned from the
images at IRIS/SJI 1400Å (Figure 1(a)) and at five SDO/AIA
EUV passbands (see Figures 1(b)–(f)). The contours of
longitudinal magnetic fields in Figures 1(b) and (f) show the
surface magnetic configuration and the polarity inversion line
(PIL) in AR 12158. A sigmoidal structure apparently appeared
in the hot SDO/AIA 131Å; the footpoints of the two curved
arms connected the positive and negative polarities of the AR,
while the straight central bar lied directly above the PIL (see
Figure 1(f)). In the other EUV images of Figures 1(c)–(e)
sensitive to chromospheric and low coronal temperatures, one
finds ribbon-like brightening footpoints along the central axis
of the sigmoidal structure. Figures 1(d)–(e) also show a
multitude of arcade-like coronal loops above the PIL. Based on
the unique sigmoidal shape, the temperature, and the
subsequent evolution and eruption, the underlying magnetic
structure of the sigmoid could be regarded as an MFR (also

refer to Cheng et al. 2015). Combined with the IRIS
observations, the precursor activity of this MFR could be
studied.
By using a multi-Gaussian fitting method as described in

Tian et al. (2015), the parameters of Doppler velocity, intensity,
and line width have been deduced from the IRIS observations
in the window of Fe XXI 1354.08Å for every pixel along the slit
and for every observed frame from 16:50 to 17:57 UT. The slit-
time stacking plots are shown in Figures 2(a)–(c), in which the
Y-axes denote the length of the slit in the unit of arcseconds and
the X-axes denote the time. Figures 2(d)–(f) correspondingly
present the average parameter values of all valid pixels along
the slit. In Figure 2 one can easily notice that a precursor
activity (isolated in the black rectangular frame in Figure 2(a))
occurred about 20 minutes before the onset of the main phase
of the X1.6 flare at 17:21 UT. This precursor activity has a
behavior of a wave-like oscillation with alternating red and
blueshifts in the Doppler plots (Figures 2(a)–(b)). We also
looked into the Doppler parameters derived from the observa-
tions of cooler chromospheric lines, but found no any
corresponding oscillation. Compared with the main phase of
the flare, the Doppler velocities in the precursor phase are
relatively small but have conspicuous characters to reveal the
interesting nature of the MFR.
The coronal structure that produced the observed oscillation

can be seen better in the EUV 131Å images (see Figure 3). The
two short horizontal bars indicate the oscillation range on the
slit in Figures 3(a)–(c). This precursor oscillation occurred on

Figure 2. Distributions of the plasma Doppler velocity (panel (a)), emission intensity (panel (c)), and Doppler width (panel (e)) along the slit from 16:50 to 17:57 UT
deduced from IRIS spectrum observations (top panels). Their average values of all valid pixels along the slit are shown at the bottom panels. A black rectangle in Panel
(a) isolates the detected oscillation in the precursor phase that will be further illustrated in Figures 3(d)–(i).
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the core of the sigmoid. As indicated by the red arrow in
Figure 3(a), the enhanced brightening at EUV 131Å first
appeared in the small portion of the sigmoid and then spread
toward both the east and west sides along the sigmoid. At about
17:05 UT as seen in Figure 3(c), a long thread of brightening
appeared inside the sigmoid.

Figures 3(d)–(i) show the precursor revealed in the sub-plots
of Figure 2 (see the black box in Figure 2(a)) during
16:58–17:21 UT. Figures 3(d)–(f) plot the distributions of
Doppler velocity, intensity, and line width along the slit and
time. Their average values of all valid pixels along the sub-slit
correspond to Figures 3(g)–(i), respectively. The deduced
spectral information is now only from the structure between the
two black horizontal bars in Figures 3(a)–(c). The oscillation is
revealed in the alternating red and blue strips in the Doppler
velocity plot in Figure 3(d), and in the sinusoidal wave pattern
in Figure 3(g) from 17:01 to 17:14 UT, lasting for about

13 minutes. The precursor velocity V(t) varied within
[−9,11] km s−1. After 17:14 UT, the oscillation was not
showing up in the data.
Similar to that of Aschwanden et al. (1999), we fit the

velocity V(t) evolution with a sine function of four free
parameters (V0, V1, P, t0),

⎡
⎣⎢

⎤
⎦⎥

p
= + -V t V V

P
t tsin

2
1i i0 1 0( ) ( ) ( )

where the average velocity V0= 2 km s−1, the oscillation
magnitude V1= 9 km s−1, an (arbitrary) initial time t0= 105 s,
and an oscillation period P= 280 s. The best-fitting curve (red)
was inserted in Figure 3(g).
In the region of oscillation, the corresponding intensity

distribution (Figure 3(e)) and its average value (Figure 3(h))
showed two peaks, which may indicate two episodes of energy
release. The distribution of the line width only showed a weak

Figure 3. Precursor oscillation in the sigmoid detected by IRIS. Panels (a), (b), and (c) are SDO/AIA 131 Å images revealing the sigmoid structure in the field of view
same as that of IRIS/SJI images. Panels (d), (e), and (f) show the Doppler velocity, the emission intensity, and the Doppler width during the precursor phase from
16:58 UT to 17:21 UT, respectively, corresponding to the subregion (the box in Figure 2(a)), and the time profiles of their average values along the slit are presented in
Panels (g), (h), and (i).
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SOL2014-09-10 – alternating red/blueshifts, brightening and broadening in pre-flare 
sigmoid (interpreted as flux rope)   Zhou+16

Doppler Intensity Broadening

Period T ~ 280s, from about 20 mins before flare main 
onset and flux rope eruption.  Destabilising flux rope?

See also Tan+16: ~ 30% of (412) flares studied show long period pulsations in SXR 
light curves, T=8-30 minutes, from 1-2h before flare



Conclusions

• Clear evidence that the solar atmosphere is ‘gearing up’ for a flare, some minutes (or 
even longer) in advance of the impulsive phase

• Includes thermal and non-thermal coronal sources, strong changes in the magnetic field 
orientation, presence of turbulent broadening, heating of lower atmosphere, oscillatory 
behaviour

• Field changes preceding HXR footpoint emission (electron acceleration) by 10s of seconds 
are particularly intriguing

• Interesting suggestions that turbulence leads to heating and acceleration in both corona 
and lower atmosphere

• Are these phenomena rare or common? Unclear - requires studies with large samples


