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Event m1/M� m2/M� M/M� �e↵ Mf/M� af Erad/(M�c2) `peak/(erg s�1) dL/Mpc z �⌦/deg2

GW150914 35.6+4.8
�3.0 30.6+3.0

�4.4 28.6+1.6
�1.5 �0.01+0.12

�0.13 63.1+3.3
�3.0 0.69+0.05

�0.04 3.1+0.4
�0.4 3.6+0.4

�0.4 ⇥ 1056 430+150
�170 0.09+0.03

�0.03 180

GW151012 23.3+14.0
�5.5 13.6+4.1

�4.8 15.2+2.0
�1.1 0.04+0.28

�0.19 35.7+9.9
�3.8 0.67+0.13

�0.11 1.5+0.5
�0.5 3.2+0.8

�1.7 ⇥ 1056 1060+540
�480 0.21+0.09

�0.09 1555

GW151226 13.7+8.8
�3.2 7.7+2.2

�2.6 8.9+0.3
�0.3 0.18+0.20

�0.12 20.5+6.4
�1.5 0.74+0.07

�0.05 1.0+0.1
�0.2 3.4+0.7

�1.7 ⇥ 1056 440+180
�190 0.09+0.04

�0.04 1033

GW170104 31.0+7.2
�5.6 20.1+4.9

�4.5 21.5+2.1
�1.7 �0.04+0.17

�0.20 49.1+5.2
�3.9 0.66+0.08

�0.10 2.2+0.5
�0.5 3.3+0.6

�0.9 ⇥ 1056 960+430
�410 0.19+0.07

�0.08 924

GW170608 10.9+5.3
�1.7 7.6+1.3

�2.1 7.9+0.2
�0.2 0.03+0.19

�0.07 17.8+3.2
�0.7 0.69+0.04

�0.04 0.9+0.05
�0.1 3.5+0.4

�1.3 ⇥ 1056 320+120
�110 0.07+0.02

�0.02 396

GW170729 50.6+16.6
�10.2 34.3+9.1

�10.1 35.7+6.5
�4.7 0.36+0.21

�0.25 80.3+14.6
�10.2 0.81+0.07

�0.13 4.8+1.7
�1.7 4.2+0.9

�1.5 ⇥ 1056 2750+1350
�1320 0.48+0.19

�0.20 1033

GW170809 35.2+8.3
�6.0 23.8+5.2

�5.1 25.0+2.1
�1.6 0.07+0.16

�0.16 56.4+5.2
�3.7 0.70+0.08

�0.09 2.7+0.6
�0.6 3.5+0.6

�0.9 ⇥ 1056 990+320
�380 0.20+0.05

�0.07 340

GW170814 30.7+5.7
�3.0 25.3+2.9

�4.1 24.2+1.4
�1.1 0.07+0.12

�0.11 53.4+3.2
�2.4 0.72+0.07

�0.05 2.7+0.4
�0.3 3.7+0.4

�0.5 ⇥ 1056 580+160
�210 0.12+0.03

�0.04 87

GW170817 1.46+0.12
�0.10 1.27+0.09

�0.09 1.186+0.001
�0.001 0.00+0.02

�0.01  2.8  0.89 � 0.04 � 0.1 ⇥ 1056 40+10
�10 0.01+0.00

�0.00 16

GW170818 35.5+7.5
�4.7 26.8+4.3

�5.2 26.7+2.1
�1.7 �0.09+0.18

�0.21 59.8+4.8
�3.8 0.67+0.07

�0.08 2.7+0.5
�0.5 3.4+0.5

�0.7 ⇥ 1056 1020+430
�360 0.20+0.07

�0.07 39

GW170823 39.6+10.0
�6.6 29.4+6.3

�7.1 29.3+4.2
�3.2 0.08+0.20

�0.22 65.6+9.4
�6.6 0.71+0.08

�0.10 3.3+0.9
�0.8 3.6+0.6

�0.9 ⇥ 1056 1850+840
�840 0.34+0.13

�0.14 1651

TABLE III. Selected source parameters of the eleven confident detections. We report median values with 90% credible intervals that include
statistical errors, and systematic errors from averaging the results of two waveform models for BBHs. For GW170817 credible intervals
and statistical errors are shown for IMRPhenomPv2NRT with low spin prior, while the sky area was computed from TaylorF2 samples. The
redshift for NGC 4993 from [92] and its associated uncertainties were used to calculate source frame masses for GW170817. For BBH events
the redshift was calculated from the luminosity distance and assumed cosmology as discussed in Appendix B. The columns show source frame
component masses mi and chirp massM, dimensionless e↵ective aligned spin �e↵ , final source frame mass Mf , final spin af , radiated energy
Erad, peak luminosity lpeak, luminosity distance dL, redshift z and sky localization �⌦. The sky localization is the area of the 90% credible
region. For GW170817 we give conservative bounds on parameters of the final remnant discussed in Sec. V E.

proved method for estimating the power spectral density of
the detector noise [53, 54] and frequency dependent calibra-
tion envelopes [96]; (ii) we use two waveform models that in-
corporate precession and combine their posteriors to mitigate
model uncertainties.

Key source parameters for the ten BBHs and one BNS
are shown in Table III. We quote the median and symmet-
ric 90% credible intervals for inferred quantities. For BBH
coalescences parameter uncertainties include statistical and
systematic errors from averaging posterior probability dis-
tributions over the two waveform models, as well as cal-
ibration uncertainty. Apart from GW170817, all posterior
distributions of GW events are consistent with originating
from BBHs. Posterior distributions for all GW events are
shown in Figs. 4, 5, 7, 6, and 8. Mass and tidal deforma-
bility posteriors for GW170817 are shown in Fig. 9. For
BBH coalescences we present combined posterior distribu-
tions from an e↵ective precessing spin waveform model (IM-
RPhenomPv2) [25, 26, 49] and a fully precessing model
(SEOBNRv3) [27, 28, 30]. For the analysis of GW170817 we
present results for three frequency-domain models IMRPhe-
nomPv2NRT [25, 26, 32, 49, 97], SEOBNRv4NRT [29, 32,
97, 98], TaylorF2 [35, 36, 38, 99–111] and two time-domain
models SEOBNRv4T [31] and TEOBResumS [33, 112]. De-
tails on Bayesian parameter estimation methods, prior choices
and waveform models used for BBH and BNS systems are
provided in Appendix B. The impact of prior choices on se-
lected results is discussed in Appendix C.

A. Source parameters

The GW signal emitted from a BBH coalescence depends
on intrinsic parameters that directly characterise the binary’s
dynamics and emitted waveform and extrinsic parameters that
encode the relation of the source to the detector network. In
general relativity an isolated BH is uniquely described by its
mass, spin and electric charge [113–117]. For astrophysical
BHs we assume the electric charge to be negligible. A BBH
undergoing quasi-circular inspiral can be described by eight
intrinsic parameters, the masses mi and spin vectors ~S i of its
component BHs defined at a reference frequency. Seven ad-
ditional extrinsic parameters are needed to describe a BH bi-
nary: the sky location (right ascension ↵ and declination �),
luminosity distance dL, the orbital inclination ◆ and polariza-
tion angle  , the time tc and phase �c at coalescence.

Since the maximum spin a Kerr BH of mass m can
reach is (Gm2)/c we define dimensionless spin vectors ~�i =

c~S i/(Gm2
i ) and spin magnitudes ai = c|~S i|/(Gm2

i ). If the spins
have a component in the orbital plane, then the binary’s orbital
angular momentum ~L and its spin vectors precess [118, 119]
around the total angular momentum ~J = ~L + ~S 1 + ~S 2.

We describe the dominant spin e↵ects by introducing ef-
fective parameters. The e↵ective aligned spin is defined as a
simple mass-weighted linear combination of the spins [23, 24,
120] projected onto the Newtonian angular momentum L̂N ,
which is normal to the orbital plane (L̂ = L̂N for aligned-spin
binaries)

�e↵ =
(m1~�1 + m2~�2) · L̂N

M
, (4)



• wider  black holes mass spectrum - lower metallicity 

Stellar-Origin  
Black Holes 
Candidates

Neutron Stars

GW150914
GW151226
GW170104

BHB merger 
relics

LVC, 2016 +, 2017, 2018 
Woosley 2016 

Spera and Mapelli 2017 
Di Carlo + 2019 

hMDNS
NS i = 1.33± 0.09M�

hM recycled
NS i = 1.49± 0.19M�

hMBHi = 7.8± 1.2M�

GW170814
GW1706081

GW170817

GW 
sBH COALESCENCES

GW170729
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•LIGO-VIRGO - With these historical discoveries,  the strongest 
evidence of the existence of “STELLAR BLACK HOLES”for which 
we have a “leading order theory”on the physics of their 
formation 

•era of precision in experimental gravity

… next run O3 … to detect (BH,NS) mergers
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•Existence of AGN - QSOs - powered by accretion onto 
supermassive black holes of millions to billions suns 

•Black Hole masses correlate  with physical properties of galaxies 
—M-sigma relation — feedback from the AGN 

•Less massive black holes live in less massive galaxies - correlation 
is highly scattered - nuclear star clusters 

•Local census of supermassive black holes in spheroids 

•Combining data from the unresolved X-ray background with 
those on the local census of silent black holes we learned 
supermassive black holes have grown mainly by radiatively 
efficient accretion during the last e-folding time below z~3 
during the peak of the star formation rate 

•Supermassive black holes weighing billion suns (QSOs) are in 
place @ z~7               

EM  Observations



•Supermassive black holes come to birth “light” 

•Concept of “SEEDS”-  “intermediate mass”black holes 
forming at high redshifts in high-sigma density peaks under 
extreme conditions (low or null metallicities)  

•“seeds” are “transitional objects”—  single epoch 
forming —grow through (merger induced) accretion and 
mergers    

•Accretion & mergers erase information on their birth 
properties 

•To recover their properties with need to have access to a 
huge cosmological volume — observe @z>10 

•EM - low accretion luminosities 



ELECTROMAGNETIC UNIVERSE 
SUPERMASSIVE BLACK HOLES  
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•  Luminosity gives only lower limit on the mass 

•Correlated studies in the optical to infer the mass from the 
dynamics of the BLR



Importance to measure their masses 
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•HOW did supermassive black holes form?  From the 
gravitational collapse of a yet unknown  class of compact 
objects with mass in the hundred thousands ? 

•Is there a deep PHYSICAL LINK between STELLAR and 
SUPERMASSIVE black holes?  (only “stars”form black holes 
of any mass scale through accretion and mergers) 

•WHEN - WHERE did the seeds form?  (cosmology) 

•HOW did they evolve - mass & spins  ?   (structure formation) 

unanswered questions



•“high redshift” 

• “low metallicity environments”

light 
seeds 

Pop III

heavy  
seeds 

direct  
collapse

104 <
mDCBH

M�
< 105150 <

mBH,⇤
M�

< 103

RUNAWAY 
star collisions 

in dense nuclear 
 star clusters 

at the centre  
of forming disc 

galaxies

300 <
mrunway�BH

M�
< 3000

Z = Z
primordial

= 0

JLW > Jcrit
Tvir < 104 K Tvir ' 104 K

H molecular cooling H atomic cooling

M
halo

= 107�9M�

Z < Zcrit ⇠ 10�4Z�

Z < Zcrit ⇠ 10�4Z�

Latif & Ferrara 2016,  for a reviewDdust/gas < 5⇥ 10�9

M
halo

⇠ 106 M�



light 
seeds 

Pop III

heavy  
seeds 

direct  
collapse

104 <
mDCBH

M�
< 105150 <

mBH,⇤
M�

< 103

runaway 
star collisions 

in dense(nuclear) 
 star clusters 

at the centre  
of forming disc 

galaxies

300 <
mrunway�BH

M�
< 3000

M
halo

= 107�9M�

Z < Zcrit ⇠ 10�4Z� Devecchi + 2009,10,11 
Reinoso, Schleicher +2018 

H atomic cooling
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Major mergers (Mayer+2012) 
New objects?????



•How to detect “seeds”? 
•How to track their growth?
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accretion 
shaping spin 

during the 
e-folding 

increase of the 
mass

COLAESCENCES 
doubling mass 

changing the spin

spin & mass key 
tracers of black 
hole evolution

Volonteri 2010, 
Amaro Seoane + 2014, Latif & Ferrara 2016, Colpi & Sesana 2017

BLACK HOLE GROWTH DURING GALAXY ASSEMBLY 
COSMOLOGICAL DRIVEN MERGERS
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The GW View of Massive Black Holes
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Figure 1: Lines of constant SNR as a func-
tion of redshift (cosmic time) and source-
frame binary mass MB for the LISA observa-
tory. The MBHs are not spinning and have
mass ratio q = 0.5. Overlaid is an illustra-
tion of evolutionary tracks ending with the
formation of a MBH at z ⇠ 3. Black dots and
arrows represent the MBHs and their spins,
respectively. MBHs are embedded in galac-
tic halos (white-yellow circles) and experience
episodes of accretion (black lines) and merg-
ers. Black stars refer to the most distant
long Gamma-Ray Burst, quasar and galaxy
detected so far.

0.01 (0.1) in several LISA events, and the spin misalignment relative to the orbital angular
momentum will be determined to within 10 degrees or better [2]. Individual spins prior to
the merger encode information on whether accretion, which shaped both the MBH mass
and spin evolution, was coherent (leading to spins close to maximal and small misalignment
angles) or chaotic (leading to lower average spins and random spin orientations over the BH
life cycle) [22, 23, 24]. This will give us the unprecedented opportunity to reconstruct the
MBH cosmic history from GW observations alone [25]. Moreover, by measuring the angle
between BH spins and the angular momentum, crucial information will be gathered about
the interaction between the MBHs and their gaseous environment and about whether the
binary evolution is driven by the gas. In particular, gas can exert dissipative torques on
the BH spins, potentially aligning them with the gas angular momentum. This also has
crucial implications for the fate of the BH produced by the merger, which could be imparted
a large GW recoil velocity in the presence of large spin orbit misalignment prior to merger
[26, 27, 28, 29, 30, 31].

As illustrated in Figure 1, GWs from MBHs are incredibly strong, and the advantage of
this fact cannot be understated. At cosmic noon, right when galaxy mergers are rife, MBH
mergers become extraordinarily loud, which enables precise measurements of the source
parameters over 12 billion years of cosmic time. Intrinsic masses will be determined with
errors of 0.1%� 1% for both BHs, and the two spins with an absolute uncertainty as small
as 0.01, in the best case. Observing the signal from coalescing 106�7 M� MBHs at z ⇠ 2 is
also of paramount importance. Those will be detected with high SNR to alert observatories
across the whole EM spectrum, at least hours before the merger proper[13]. With a sky
localization that continues to improve as the accumulated SNR increases, MBH mergers will
be localized from within 10 deg2 (with LSST) to 0.4 deg2 (with Athena), and even down to
arcmin2 at merger, for those rare and loud MBH coalescences below z < 1. The science with
contemporaneous EM and GW observations is spectacular, enabling to detect the EM chirp
from the mini-discs around the individual MBHs [32], the hot coronal and/or jet emission in
the violently changing dynamical spacetime [33, 34, 35, 36, 37].

4

• Black holes invariably cross the LISA

•  LISA cosmic horizon for massive black holes is the entire universe

  LISA white paper 2017



The GW View of Massive Black Holes
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Figure 1: Lines of constant SNR as a func-
tion of redshift (cosmic time) and source-
frame binary mass MB for the LISA observa-
tory. The MBHs are not spinning and have
mass ratio q = 0.5. Overlaid is an illustra-
tion of evolutionary tracks ending with the
formation of a MBH at z ⇠ 3. Black dots and
arrows represent the MBHs and their spins,
respectively. MBHs are embedded in galac-
tic halos (white-yellow circles) and experience
episodes of accretion (black lines) and merg-
ers. Black stars refer to the most distant
long Gamma-Ray Burst, quasar and galaxy
detected so far.

0.01 (0.1) in several LISA events, and the spin misalignment relative to the orbital angular
momentum will be determined to within 10 degrees or better [2]. Individual spins prior to
the merger encode information on whether accretion, which shaped both the MBH mass
and spin evolution, was coherent (leading to spins close to maximal and small misalignment
angles) or chaotic (leading to lower average spins and random spin orientations over the BH
life cycle) [22, 23, 24]. This will give us the unprecedented opportunity to reconstruct the
MBH cosmic history from GW observations alone [25]. Moreover, by measuring the angle
between BH spins and the angular momentum, crucial information will be gathered about
the interaction between the MBHs and their gaseous environment and about whether the
binary evolution is driven by the gas. In particular, gas can exert dissipative torques on
the BH spins, potentially aligning them with the gas angular momentum. This also has
crucial implications for the fate of the BH produced by the merger, which could be imparted
a large GW recoil velocity in the presence of large spin orbit misalignment prior to merger
[26, 27, 28, 29, 30, 31].

As illustrated in Figure 1, GWs from MBHs are incredibly strong, and the advantage of
this fact cannot be understated. At cosmic noon, right when galaxy mergers are rife, MBH
mergers become extraordinarily loud, which enables precise measurements of the source
parameters over 12 billion years of cosmic time. Intrinsic masses will be determined with
errors of 0.1%� 1% for both BHs, and the two spins with an absolute uncertainty as small
as 0.01, in the best case. Observing the signal from coalescing 106�7 M� MBHs at z ⇠ 2 is
also of paramount importance. Those will be detected with high SNR to alert observatories
across the whole EM spectrum, at least hours before the merger proper[13]. With a sky
localization that continues to improve as the accumulated SNR increases, MBH mergers will
be localized from within 10 deg2 (with LSST) to 0.4 deg2 (with Athena), and even down to
arcmin2 at merger, for those rare and loud MBH coalescences below z < 1. The science with
contemporaneous EM and GW observations is spectacular, enabling to detect the EM chirp
from the mini-discs around the individual MBHs [32], the hot coronal and/or jet emission in
the violently changing dynamical spacetime [33, 34, 35, 36, 37].

4

• Accretion might  alone explain high z QSOs but  accretion is likely modulated by 
halo-halo mergers - halo dynamics leads to black hole binary formation

• Black holes invariably cross the LISA
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the semi-analytical code GAMETE/QSOdust by averaging over 10 independent simulations of a

cosmic region centred on a z ~ 6 quasar (GQd, Valiante et al. 2016). 

              
Fig  1:  The histograms show the number  fraction of  light  (left)  and heavy (right)  seeds  formed at  each

redshift.  The results have been averaged over 10 independent simulations and the error-bars show the 1

sigma scatter. The average number of light and heavy seeds is also reported (Valiante et al. 2016).  

Light BH seeds can form in larger number and through a longer period of cosmic evolution, as

long  as  there  still  exist  star  forming  regions  where  gas  cooling  is  dominated  by  molecular

hydrogen (Z < Zcr,  D <  Dcr, J21  > Jcr). Conversely, the conditions that allow the formation of heavy

seeds are met only by a small number of sites and in a relatively short period of cosmic evolution1.

Metal and dust enrichment of the simulated cosmic region terminates the epoch of formation of

BH seeds at z ~ 15.

The growth of BH seeds
Once a BH seed is formed, it grows in mass participating to the cosmological evolution of its host

galaxy. The efficiency of mass growth by gas accretion is regulated by the availability of dense and

cold gas in its neighbourhood. This, in turn, is set by the baryon cycle of the host galaxy that gains

mass by accretion from the external intergalactic medium, consumes mass to fuel star formation,

and can loose mass via galaxy-scale winds powered by supernova explosions and by the radiation

released by the BH during accretion. The resulting gas accretion rate is still poorly constrained by

theoretical  models  and simulations.  If  the BH is  embedded in an optically  thick medium,  the

photon diffusion timescale becomes long compared to the accretion timescales and the BH can

grow at super-Eddington rates via a slim disk (Madau et al. 2014) or through spherically accreting

envelopes  (Inayoshi  et  al.  2016).  The  question  is  whether  the  seemingly  high  gas  densities

required to initiate Super-Eddington accretion can be met in realistic astrophysical environments

at high redshifts or, in other words, if the accretion disk or envelopes can be fed at very high rates

by galaxy-scale inflows (Pezzulli et al. 2016, 2017; Mayer et al. 2018). 

On the other hand, galaxy collisions often occur during the hierarchical build-up of cosmological

structures. The fate of their nuclear black holes depends on the efficiency of their orbital decay

from kpc scales down to sub-pc scales, where gravitational wave emission becomes the dominant

mechanism leading the two BHs to coalescence. While several aspects of this dynamical evolution

have been explored in zoom-in simulations with varying resolution, cosmological simulations and

semi-analytical  models,  including GQd,  generally  assume  that,  during  major  mergers  (in  GQd

1 The results for IMBHs are still being investigated and will be presented in a forthcoming paper (Sassano 

et al. 2019).

Valiante+2016

heavy  
seeds 

direct  
collapse

light 
seeds 

Pop III

•distribution in redshift of light (selected as the most massive 
black hole present in a halo)  and heavy seeds 

Seed black holes in the cosmological context



MERGER TREE OF HIGH z QSOs 

   

Valiante + 
In preparation

Black holes forming 
in pristine halos and 

pairing in 
“cosmologically-
driven mergers”

M
halo

= 1013M�

“failed” 
non-evolved  

Seeds

•dot= halo+halo merger with two nuclear light seeds merging



 Black Holes in the Gravitational Universe 

   

Valiante + 2019 in  
Preparation

Waterfall plot for non spinning black holes: PhenomC 
ET_D sensitivity curve + LISA 
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SEEDS

MBH,seeds = 105 M�
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MBH,seeds = 300M�

DCBH

POP III
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courtesy of S. Fairhurst

5.3 Detection and Parameter Estimation Challenges 69

Figure 5.2: The waveform emitted during the final stages of inspiral, merger and ringdown of a 100�100M�
sBH binary at a redshift of z = 10. The figure on the left shows the time evolution of the waveform from 3, 5
and 7 Hz respectively. The figure on the right shows the frequency content of the gravitational waves, and this
is overlaid on the sensitivities of the proposed ET and Cosmic Explorer detectors.

For the 100M� �100M� binary, the waveform is detectable at redshifts where the final stages of
the inspiral are observable in the detector. At higher masses, for example the merger of two 1000M�
binaries, at the largest redshifts, it is only the ringdown part of the signal that will be observed.

In figure 5.3, we also note that the difference between the maximum redshift, at which an
optimally oriented binary is observable, and the redshift at which 50% of sources are observable
varies significantly over the mass range. At low masses, e.g. a total mass of 10M� an optimal system
could be detected at a redshift of 100 in Cosmic explorer, but at a redshift of 10, less than half of
the sources would be seen. Contrast this with a the merger of two 100M� black holes, where the
maximum redshift the source could be observed is 14, but already at redshift of 10 more than half
of sources are observable. Equivalently, the signal to noise ratio of high mass sources increases
rapidly as the redshift is reduced. Thus, many sources will be observed as high SNR, even though
the observed waveform is short. For example, an optimally oriented 100M� � 100M� binary at
a redshift of z = 10 will be observed with SNRs of 60 and 40 respectively in ET and CE. Finally,
we note that the redshift at which sources can be observed is highly dependent upon both the spin
and mass ratio of the system. For binaries with aligned spins, the emitted waveform continues to a
higher frequency which significantly improves observability while for spins anti-aligned with the
orbital angular momentum, the merger occurs at a lower frequency which reduces the redshift to
which sources are observable.

In addition to detectability, it is important to consider the accuracy with which various parameters
will be measured when light seeds are observed in the high-redshift universe. In figure 5.4, we
show typical parameter accuracies obtained using a full Bayesian parameter estimation routine.
Here, the source is taken to be a 100M� � 100M� binary at a redshift of z = 10 with a random
(not optimal) sky location and orientation observed in a network comprised of one ET detector and
two Cosmic Explorer detectors. The high SNR of the system allows for accurate measurement

• Key role of Einstein Telescope 

• Detecting ‘failed seeds” will be a challenge  

• the only avenue to unveil the ‘seed’ and weight their mass !



• How do black holes pair ? 
•How fast do they coalesce? 
•Rates?



• black holes are minuscule  

• coalescing binary black holes are minuscule 

NR/HEP: roadmap for the future 6

ejection of the bulk of the sBHs [37], the only (few) remaining isolated BH can grow

by tidally disrupting stars and by gas accretion [38] sparking its growth to become an

IMBH.

Heavy seeds refer instead to IMBHs of about 104�5 M� resulting from the monolithic

collapse of massive gas clouds, forming in metal-free halos with virial temperatures

Tvir
>⇠104 K, which happen to be exposed to an intense H2 photo-dissociating ultraviolet

flux [36, 39, 40, 41, 42]. These gas clouds do not fragment and condense in a single

massive proto-star which is constantly fueled by an influx of gas that let the proto-star

to grow large and massive. Then, the star contracts sizably and my form a quasi-star

[43], or it may encounter the GR instability that leads the whole star to collapse directly

into a BH. Heavy seeds might also form in major gas-rich galaxy mergers over a wider

range of redshifts, as mergers trigger massive nuclear inflows [44]. Figure 1 is a cartoon

summarizing the current knowledge of BHs in our Universe, and the link that may exist

between sBHs and SMBHs, which is established by seed BHs along the course of cosmic

evolution.

The seeds of the first SMBHs are still elusive to the most instruments that exist

today, preventing us to set constraints on their nature. Seed BHs are necessarily

a transient population of objects and inferring their initial mass function and spin

distribution from observations is possible only if they can be detected either through EM

or GW observations at very high z, as high as ⇠ 20 (even z ⇠ 40 as discussed recently).

Since according to GR BHs of any flavor captured in binaries are loud sources of GWs

at the time of their merging, unveiling seeds and MBHs through cosmic ages via their

GW emission at coalescence would provide unique and invaluable information on the

BH genesis and evolution. The Gravitational Wave Universe is the universe we can sense

using GWs as messengers [45, 46]. In this universe, binary BHs are key sources carrying

invaluable information on their masses, spins and luminosity distance that are encoded

in the GW signal. There is one key condition that needs to be fulfilled: that the BHs

we aim at detecting pair and form a binary with GW coalescence time smaller that the

Hubble time, possibly close to the redshift of their formation. This condition, enabling

the detection of seeds at very high redshifts, is extremely challenging to be fulfilled. BHs

in binaries form ”large”. Thus, Nature has to provide additional dissipative processes

leading to the contraction of the BH binary down to the scale where GWs drive the

inspiral. This requires a strong coupling of the two BHs with the environment, before

and after forming a binary system. Understanding this coupling is a current challenge

in contemporary astrophysics, cosmology and computational physics[47].

2. Binary Black Holes: the di�culty of pairing

Due to the weakness of gravity, BH binary inspiral driven by gravitational wave emission

occurs on a timescale
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• Clock:  time “zero”  

70x70 kpc box

Capelo+2014

1:4 merger between  
two disc galaxies 

gas fraction 30%

Portrait of an isolated gas-rich major (1:4) merger
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5 6 Second pericentre

End of the stochastic stage

7 Second apocentre 8 Third apocentre

9

End of the merger stage

10 11 12

End of the remnant stage

Figure 3. Stellar (red) and gas (blue) density snapshots (viewed face-on) at representative times of the 1:4 coplanar, prograde–prograde
merger: (1) 0.20, (2) 0.30 (first pericentric passage), (3) 0.39, (4) 0.61 (first apocentric passage), (5) 0.88, (6) 0.97 (second pericentric
passage – end of the stochastic stage), (7) 1.05 (second apocentric passage), (8) 1.17 (third apocentric passage), (9) 1.24 (end of the
merger stage), (10) 1.56, (11) 1.89, and (12) 2.21 Gyr (end of the remnant stage), respectively. We have run the simulations long enough
to capture the re-establishment of quiescence after the merger: note how the galaxy in the final snapshot is a normal-looking disc galaxy.
The primary (secondary) galaxy starts the parabolic orbit on the left (right) of the first snapshot, moving right- (left-) wards. In order
to make the gas more visible, gas density was over-emphasized with respect to stellar density. Each image’s size is 70× 70 kpc.

region has formed, with its radius oscillating between ∼60
and ∼140 pc with the same temporal period of the BH ac-
cretion. When the cavity reaches its maximum radius, the
BH accretion is at its minimum, and vice versa. We believe
that this is a clear case of BH self-regulation (‘breathing’),
in which the BHs follow periodic stages of feeding and feed-
back.

In the third panel of Figs 1 and 2, we show the SF
rate (SFR) for three spherical regions centred around the
BH (of radii 0.1, 1, and 10 kpc, respectively), and the total
SFR of the entire system. SFR is evaluated every 1 Myr,
but here we show its average over the same time intervals as
those of gas mass and specific angular momentum, which are
evaluated every 5 Myr. Central SFR (<100 pc) around the
BH follows a similar behaviour to that of BH accretion rate,
staying at low levels at all times except during the ∼300 Myr
that follow the second pericentric passage. During this time,
central SFR around the secondary BH can increase by more

than three orders of magnitude from its previous levels and
account for almost the totality of the SFR in the system.
The increase in SFR around the primary BH is much more
modest, but in both cases it happens at the same time of the
BH accretion rate increase. During the final stage, when the
two BHs are at a mutual distance of !10 pc, central SFR
is higher than during the first stage. Also, SFR around the
primary BH is more ‘centralized’: the SFR in the central kpc
comprises most of the SFR of the inner 10 kpc, as opposed to
during the first stage. The link between BH accretion and SF
is at the same time simple (both processes feed off the same
reservoir of gas) and complex (the exact correlation between
them is still highly debated). In a separate paper (Volonteri
et al. 2014, submitted), we present a detailed study on this
topic.

In the fourth panel, we show the amount of gas mass in
three spherical regions (of radii 0.1, 1, and 10 kpc, respec-
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Portrait of a cosmological merger

M
halo

⇠ 1013 M� @ z = 0

M1,⇤ ⇠ 3.6⇥ 1010 M�

M2,⇤ ⇠ 1010 M�

SMBH Coalescence in Cosmological Galaxy Mergers 3

Figure 1. Group environment of the galaxy merger. The left panel shows a mock UVJ map of the galaxy group at z = 3.6. The white
circle marks the virial radius of the group halo, while the green circles mark the merging galaxies. The upper-right and lower-right panels
show a zoom-in on the central galaxy of the group and the interacting companion, respectively. Lengths are in physical coordinates.

Figure 2. From left to right: time evolution of the galaxy merger after the beginning of the re-sampled, higher-resolution simulation.
Each panel shows a mock UVJ photometric image of the merger, and the red and blue dots mark the position of the primary and secondary
BH, respectively. Lengths are in physical coordinates.

to them. The orbital decay is governed by dynamical
friction of the stellar cusps against the stellar, gas and
dark matter background originating from the merger of
the two hosts.
During the final stage of the merger (i.e. at t ≈ 20 Myr

after the particle splitting) the merger remnant is gas
poor (gas fraction ∼ 5%) owing to gas consumption by
SF. Stars dominate the enclosed mass out to ∼ 3 kpc
and provide the dominant contribution to the dynamical
friction exerted by the background. Figure 4 shows the
mass distribution of the individual components when the
separation of the two SMBHs reaches about 300 pc, i.e.
≈ 21.5 Myr after the particle splitting. The stellar mass

is almost 2 orders of magnitude larger than the gas one
over all spatial scales except in the central 10 pc, where
the difference is about a factor of 20.
Then, we extract a spherical region of 5 kpc at t ∼

21.5 Myr after particle splitting around the more massive
SMBH to initialize a direct N -body simulation contain-
ing in total ∼ 6 × 106 particles. We treat the remaining
gas particles in the selected volume as stars, since they
are sub-dominant in mass. Almost the entire stellar mass
is within 5 kpc, so an artificial cut-off at 5 kpc shall not
introduce significant changes in stellar mass profile in the
inner region for follow up evolution. However, at trun-
cation separation, the dark matter has a steeply rising

• first ab initio simulation of a galaxy group  @ z=3.5 from Argo cosmological simulation  

• identification of the two main spirals undergoing a major merger (1:3.6 mass ratio) on a 
nearly parabolic orbit with co-rotating stellar discs inclined by 67 degrees 

• gas fractions of about 10%  

mBH
1 = 108 M�

mBH
2 = 3⇥ 107 M�
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Figure 3. Left panel: time evolution of the separation between the SMBHs. Blue-solid, red-dashed, and green-dotted lines show the
evolution during the hydrodynamical, re-sampled simulation of the merger, the direct N-body calculation, and after having introduced
post-Newtonian corrections, respectively. Thin and light versions of the same lines refer to the continuation of the respective simulations.
The horizontal dotted line marks the gravitational softening of the hydrodynamical simulation. Central panel: radial profiles of the ratio
b/a (red) and c/a (blue) between the principal axes of the moment of inertia tensor (c ≤ b ≤ a) at different times: 23.3 Myr (solid),
25.3 Myr (dashed), and 29.3 Myr (dotted). Right panel: probability density function of the radial distance from the center of the merger
remnant for the stellar particles that have interacted with the central binary across 26-24.4 Myr (blue, solid), 27.5-26 Myr (red, dashed),
29.1-27.5 Myr (green, dot-dashed), and 30.6-29.1 Myr (magenta, dotted).

mass profile; we compare it with a later snapshot during
the N -body evolution at t ≈ 30 Myr. We do not observe
a noticeable evolution from outer to inner region.
We further evolve the selected region using the high-

performance φ-GPU code (Berczik et al. 2011). At the
end of our previous galaxy merger simulation, stellar and
gas particles have a softening of 5 pc and dark matter
particles have a softening of 150 pc. We start our di-
rect N -body run by decreasing the stellar softening to
0.1 pc while keeping the dark matter particles soften-
ing unchanged to avoid two-body relaxation effects as
the latter have a relatively large mass. Figure 4 shows
that the mass of the dark matter component does not
increase in the central region during the whole evolution
period. The softening parameter for the force calcula-
tion between the two black holes is set to 0. In order to
calculate the softening between different particle species
we employ the following criterion:

ϵ2ij = (ϵ2i + ϵ2j)/2, (1)

where ϵ• = 0 for both black holes, ϵ⋆ = 0.1 pc for stars
and ϵdm = 125 pc for dark matter particles. In star-
black hole interactions we further reduce the softening
to 0.007 pc, which is smaller than the semi-major axis of
the binary when the gravitational wave emission domi-
nates (Figure 3, left panel). In order to take into account
energy loss by gravitational wave emission, we incorpo-
rate post-newtonian terms up to 3.5 in the equation of
motion of the binary SMBHs (Blanchet 2006).
Dynamical friction efficiently shrinks the separation

between the two SMBHs and they form a binary once
individual cusps merge at t ∼ 23.5 Myr. The separa-
tion drops rapidly to ∼ 0.3 pc in less than 1 Myr, owing
to the high nuclear density, until the binary gets hard
and dynamical friction becomes inefficient. The subse-
quent phase of the decay is dominated by three-body en-
counters between the binary and the surrounding stars.
This phase is the longest, taking ≈ 8 Myr before the
separation decreases to ∼ 0.01 pc, at which point GW
emission takes over and brings the SMBHs to rapid co-
alescence in 2 Myr (Figure 3). Figure 3 also shows that

post-Newtonian terms are crucial for the sinking of the
binary already at a separation of ! 0.03 pc. The or-
bital decay rate in the post-Newtonian phase is in rough
agreement with simple semi-analytical predictions based
on orbit-averaged expressions (Peters & Mathews 1963),
which do not take into account the contributions from
higher order terms.
We define the coalescence time, and stop the simula-

tions, when the separation is < 4(rs,1+rs,2), where rs,j is
the Schwarzschild radius of the j-th BH, as following the
evolution further would require a fully relativistic treat-
ment. The coalescence, counting from the merger of the
two cusps at t ∼ 23.5 Myr, takes less than 10 Myr, which
is roughly two orders of magnitude faster than previ-
ous decay time estimates inferred for non-cosmological,
purely stellar hosts (when rescaled to nearby galaxies)
(Khan et al. 2012b, 2013). The preceding large-scale ap-
proach and merger of the two galaxies lasts ∼ 200 Myr,
so that the overall process is completed in significantly
less than the lookback time at z ∼ 3.5.
The shape of the merger remnant over time is shown in

the central panel of Figure 3. It was obtained by measur-
ing the moments of inertia tensor of a homogeneous el-
lipsoid. The remnant is clearly triaxial at all times. The
right panel of Figure 3 shows the distribution of the mean
radial distances of the stars that contribute to the change
in the binding energy of the binary at different times.
Those have been identified statistically as the stars that
undergo large specific total energy change between two
subsequent snapshots, ∆E/m⋆ > (1405 km s−1)2. This
absolute threshold depends on the binary properties only,
∆E/m⋆ ≈ G µ• C a−1, where µ• is the binary reduced
mass, a is the binary separation, and C ≈ 2, as inferred
from three-body encounter simulations (Hills 1983; Quin-
lan 1996). This criterion allows us to select only the stars
involved in encounters with the SMBH binary, because
the energy changes due to the large scale evolution of the
system and to two-body encounters with other stars and
dark matter particles are small compared to the adopted
threshold. Most of those stars come from 10-100 pc,
which is at quite far from the BH binary sitting at the

• the binary hardens by the slingshot mechanisms with individual stars 
impugning on the binary form low-angular momentum orbits in a triaxial 
potential.  The binary mergers 10 Myrs after the merger of the stellar 
cusps

• gas inflows in the inner 500 pc from cosmological streams  
are conducive to an intense burst of star formation around 
the secondary black hole 

• the black holes are surrounded by  a stellar cusp which 
enhances their “effective mass”- the orbital decay is 
governed by dynamical friction of the stellar cusps

10 mpc  —   2.5 PN
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Figure 1. Distance between the BHs for different runs (refer
to Table 1). The shortest timescales for the orbit of the sec-
ondary BH to fall under the one-pc scale separation from the
central BH are observed in the adiabatic runs (top panel).
Almost all the other runs that include gas cooling lead to
prolonged, if present, orbital decay. The exception is run
CSFSN (bottom panel), in which an encounter between the
secondary BH and an overdense region of gas caused a rela-
tively short decay time. Run CSFSNBF was stopped before
60 Myr due to computational limitations.

can result, and indeed almost always occurs in our simu-
lations (Figures 4 and 5). The overall effect is to induce
a stochastic behaviour of the orbital separation as op-
posed to the smooth behaviour in the non-fragmenting,
adiabatic case (Figure 1).
The diffuse background gas is also affected by torques,

which produce a global inward flux of mass and make
the CND more centrally concentrated. This reflects the
nature of self-gravity, which can be described by an effec-
tive viscosity acting throughout the disk even in absence
of fragmentation (Lin & Pringle 1987).
In run NAC (see Table 1), within 10 Myr, the inner

25-pc region goes from enclosing less than 20% of the
total mass of the disk and being smooth to having more
than 50% of the total disk mass in 3 clumps, one of
about 3.19×107 M⊙ enclosing the primary BH, another
one of about 1.88 × 107 M⊙ (heavier than the primary
BH itself) at a distance of about 8 pc center to center
(each have a radius larger than 1.5 pc), and the third
one of about 6.7× 106 M⊙, still much heavier than the
secondary BH, with respective densities ∼1.5× 108, 5×

Figure 2. Gas density face-on projection and secondary
BH’s trajectory (white lines) for the adiabatic run NAAD
(see Table 1) at different times. A scale bar on the top left
panel shows the size in pc. The colour code represents the
disk density integrated along the z-axis (perpendicular to
the disk plane), which rotates counter-clockwise in this per-
spective. Trajectories are shown for time intervals between
snapshots. On the top left panel, we see a leading spiral
wake caused by the BH near an apocenter as a perturbation
to the disk density. On the top right panel, a trailing wake
is captured near a pericenter. The net effect of the wakes
over a few orbits is to circularize the orbit. The lower left
panel shows a resonant interaction between the BH and the
gas as the orbit becomes circular. After circularizing, the gas
extracts its angular momentum and the separation shrinks
in a relatively short timescale, as clearly captured on the
bottom right panel. The interplay between perturber and
background is analogous to results found in the literature
for planet migration.

107, and 107 amu cm−3 (during this time, the secondary
BH is always outside this inner region; see Figure 1).
Figure 6 shows the distribution of clump masses at dif-

ferent times (0.5–5 Myr) normalized to the mass of the
secondary BH, which is almost constant during this time
range in the runs shown in the figure (NAC, CSFSN, and
CSFSNBF; see Table 1). In run NAC, especially after 3–
5 Myr, there are more than 10 clumps with masses from
commensurate to ten times more massive than the sec-
ondary BH. As discussed in Fiacconi et al. (2013) and
Roškar et al. (2015), clumps with masses comparable to
or larger than the mass of the secondary BH can have a
dramatic effect on the latter, with direct hits or even re-
peated softer perturbations. At the same time, Figure 6
shows that most of the clumps have masses about the
same or less than the secondary BH, namely close to or
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CSFSNBF; see Table 1). In run NAC, especially after 3–
5 Myr, there are more than 10 clumps with masses from
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orbit 
circularization  

 fast decay to 
the binary state 
on a timescale 

of 10 Myr



•fragmentation from inside out occurs on a timescale smaller  than the orbital 
decay time  

•dense gaseous clumps form, interact, merge to form fewer and larger clump, 
and migrate to the centre 

•clumps can have masses comparable or larger than the black hole masses 
•high density contrast leading to a completely different dynamics

Souza Lima+2016, del Valle+2015, Fiacconi+2013  
appreciably change the time required to reach (sub-)pc scales,
because this is dominated by a second decay phase.

After circularization occurs, indeed, dynamical friction by
the background CND, as described in the conventional local-
“wake” approach of Chandrasekhar (1943) and Ostriker
(1999), becomes weak because the secondary BH has
negligible velocity relative to the gaseous background (but
not relative to the stellar bulge, which would still exert a drag).
Instead, another regime ensues in which spiral density waves
are triggered by the secondary BH and back-react by draining
its orbital energy and angular momentum. This migration
regime is analogous to Type I and Type III migration in planet
formation and leads to a faster orbital decay compared to the
dynamical friction phase (Mayer 2013). This is characterized
by fast extraction of angular momentum from the BH. The
negative torques experienced by it have been shown to be
associated with two mechanisms, namely the excitation of
density waves in the disk near the Lindblad resonances, and the
torques from the gas co-orbiting with the BH. The latter co-
orbital torques are stronger and cause fast inward migration, as
highlighted by the fast steepening of the angular momentum
evolution curve in Figure 11 (see Mayer 2013 for torque
analysis in a similar case). The short timescale associated with
this second stage of the migration process likely explains the
absence of an evident gap-opening: the secondary BH simply

does not have time to develop a gap in regions where the
conditions would allow it because it traverses those too
quickly, as thoroughly studied and discussed in Malik et al.
(2015) for massive planets and brown dwarfs in protostellar
disks.

3.1.2. Effects of Cooling

We now proceed to study the outcome of the radiative-
cooling runs. Cooling, even in the absence of metals, is fast at
the high densities of the CND. In particular, it occurs on a
timescale faster than the local orbital time (which is on order of
1 Myr at the half-mass–radius of the disk). This leads to rapid
fragmentation into clumps, as is well-studied and established in
the literature on self-gravitating disks (see e.g., Gammie 2001;
Durisen et al. 2007). The transition to a clumpy disk regime is
abrupt in the absence of any heating and/or star formation,
taking place in only 0.3Myr—a fraction of the time it takes the
secondary BH to complete the first orbit (see Figures 3 and 4).
At this stage, the disk enters a gravo-turbulent regime in which
collisions and tidal interactions between cold clumps occur, as
well as torquing by strong spiral density waves (Figure 3).
Clumps typically gravitationally scatter each other, but can also
merge into heavier clumps, which can cause even stronger
perturbations on the secondary BH. Ejection of the secondary
BH from the disk plane can result—indeed, it almost always
occurs in our simulations (Figures 4 and 5). The overall effect

Figure 2. Gas density face-on projection and secondary BH’s trajectory (white
lines) for the adiabatic run NAAD (see Table 1) at different times. A scale bar
on the top left panel shows the size in pc. The color code represents the disk
density integrated along the z-axis (perpendicular to the disk plane), which
rotates counter-clockwise in this perspective. Trajectories are shown for time
intervals between snapshots. In the top left panel, we see a leading spiral wake
caused by the BH near an apocenter as a perturbation to the disk density. In the
top right panel, a trailing wake is captured near a pericenter. The net effect of
the wakes over a few orbits is to circularize the orbit. The lower left panel
shows a resonant interaction between the BH and the gas as the orbit becomes
circular. After circularizing, the gas extracts its angular momentum and the
separation shrinks in a relatively short timescale, as clearly captured on the
bottom right panel. The interplay between perturber and background is
analogous to results found in the literature for planet migration.

Figure 3. Gas density face-on projection and secondary BH’s trajectory for run
C (see Table 1), similar to Figure 2. Notice the change of the scale and the
surface density limits in contrast with that figure. The left and right upper
panels show, respectively, the initial state of the gas and the fragmentation
happening in the central regions of the disk. From the bottom left panel, we
notice that the fragmentation timescale is fairly smaller than the timescale for
the secondary BH to complete one orbit. As time elapses, many gaseous
clumps are formed and interact with each other, scattering and combining to
form fewer larger clumps. The environmental differences along the BH path, in
comparison to the adiabatic runs, are enormous. This leads to a completely
different interplay between the gas disk and the BH, as the latter moves through
a more contrasted density background.
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2nd transition at q~0.03-0.05 -- caused by orbital instability(?)  7

Figure 9. Under construction: Snapshots of log density from
hydrodynamical simulations for a disk withM = 20, and constant
coe�cient of kinematic viscosity ⌫ = 0.01a20⌦bin/M2.

of Figure 10 is for 10 times higher viscosity than the fidu-
cial case. The second column is for 40 times larger viscosity
and the final column is for the same ⇥40 viscosity and a disk
which is twice as hot as the fiducial case. The rows delineate
the choice of sink radius. Note that the bottom-right panel
has nearly identical parameters as the simulation found in
(Farris et al. 2014), the di↵erence being the choice of inner
boundary condition and a constant (here) vs ↵-law viscos-
ity prescription (We could redo all simulations for alpha law
viscosity and di↵ ICs). As expected, we find that the higher
viscosity disks have smaller, more dense gaps. Decreasing
the Mach number (increasing disk temperature) increases
pressure forces in the disk which also results in a smaller,
more dense cavity. The e↵ect of a larger sink radius is to cre-
ate a less dense cavity, this is apparent in the last column
of Figure 10, where the higher Mach number and viscos-
ity have begun to fill in the cavity. Additionally, increasing
the disk temperature increases the scale-length of density
waves which results in a more spread out circumprimary-
disk which, for the hotter disk, resembles more of a spiral
than a compact mini-disk. Hence a hotter accretion flow
su↵ers more overflow into the cavity but harbors a more
dispersed circumprimary-disk.

The mini-disks in Farris et al. (2014) are less prevalent
than the mini-disks we find for our fiducial disk parame-
ters. This could be due to the hotter disks of Farris et al.
(2014) spreading out the mini-disk as mentioned above or
if it could be a result of the cavity initial conditions (ICs)
used in Farris et al. (2014). If the unstable horseshoe region
for a q = 0.05 mass ratio binary does not allow gas to flow
across the binary into an orbit around the primary, then one
might expect a smaller circumprimary-disk. To test wether
the existence of a circumprimary-disk is dependent on ICs,
we run a simulation with the same binary+disk parameters
as the bottom right panel of Figure 10, but for two di↵er-
ent ICs, an initial cavity around the binary (identical to the
density IC in D’Orazio et al. (2013)), and an initial con-
stant surface density disk. Up to an overall density scaling,
we find nearly identical results. This means that the tran-
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Figure 10. Log density for a mass ratio near the transition from
ring to cavity. The rows di↵erentiate the size of the sink radius
and the columns vary the Mach number and viscosity as labeled.
The density scale is the same in each panel.

sition to a cavity found in (Farris et al. 2014) where the
ICs are an initial cavity is not set by the inability of gas to
to flow across horseshoe orbits and generate an inner disk,
but is more directly linked to disk parameters, especially the
Mach number.

We observe that, while the properties of the mini-disks
depend on Mach number, viscosity, and sink radius, they are
independent of whether the ICs initially immerse the binary
in gas or if the gas di↵uses in from an initial cavity config-
uration. Additionally, we find that for larger viscosities the
cavity elongation mechanism is damped and the gap struc-
ture becomes more symmetric, however, the gap does not
revert completely to an annular shape. Hence, the transition
mass ratio is not shifted greatly by large viscous and pres-
sure forces. We conclude that gap morphology most strongly
depends on the binary mass ratio and thus the dynamics of
the R3B while its depth and elongation can be altered by
pressure and viscosity.

4 CONCLUSION

The R3B problem captures the salient features of gap mor-
phology and provides an explanation for the transition from
annular-gaps at small mass ratios to central-cavities for
larger mass ratio binaries. We find that the transition can
be explained from the restriction of particles in the R3B
to inner and outer parts of the disk via the conservation
of the Jacobi constant. The transition mass ratio occurs at
q ⇠ 0.04 and is coincident with the loss of stable horseshoe
orbits.

To estimate the e↵ects of pressure in the disk we com-
pare the Jacobi constant with the closely related Bernoulli
constant and derive a maximum disk temperature (mini-
mumMach number) for which a gap or cavity will form. This
zero-viscosity gap closing condition matches the prediction
of ?? in the limit of small binary mass ratio where it is de-
rived. For larger mass ratios the two predictions diverge. We
test our prediction (4) with inviscid hydrodynamical simu-
lations of an equal mass binary and find good agreement.

The e↵ects of both viscosity and pressure on the annu-
lus to cavity transition are studied via 2D viscous hydro-
dynamical simulations. These show that the results of the
R3B analysis hold for low viscosity, cold disks, and that the

c� 0000 RAS, MNRAS 000, 000–000
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Binary-disk interaction (3)

Type II migration in a circum-binary disc

• black holes deposit orbital angular momentum exciting both leading and 
trailing spiral waves opening a gap of size twice the size of the binary 
separation 

Courtesy by  Zoltan Haiman +2017

Kocsis+ 2007,2012; MacFadyen+2008; Roedig et al. 
2011,12,14; D’Orazio et al. 2013; Farris et al. 2015; Dunhill 
et al. 2015; Tang et al. 2017; Maureira-Fredes 2018; 
Dotti+2015
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Figure 5. Top left: stellar density (black: 10�4 M� pc�3, white: 1 M� pc�3), centered on the main galaxy with a 80 comoving Mpc [ 80 comoving kpc? ] box
size, of LR_PD_BH1e4. Top right: MR_PD_BH1e4. Bottom left: HR_PD_BH1e4. Bottom right: HR_PD_BH1e5. The panels show the exact same galaxy at the
same time to highlight the e�ects of resolution. In section 5.2 we discuss the dynamics of a BH in the satellite galaxy on the top-left corner of each panel (the
BH is highlighted in red and its ID is 41, 29, 21 and 12 in the four panels). In section 5.3 we discuss instead the interaction between this BH and the main BH
in the central galaxy (also highlighted in red, and its ID is 1, 2, 1, 2 in the four panels).

only by the use or not of our subgrid model for DF from stars and
DM. Fig. 7 shows that the model does not help in keeping BHs
in the center, as discussed in §5.2: the galaxy is so chaotic that
BHs wander no matter the implementation. When the galaxy is
more settled, however, as it is the case when the satellite BH falls
into the main galaxy, we see the e�ects of our model (see Fig. 8).
When our prescription is used, the BH remains closer to the center,
nonetheless the BHs are not merged as it would happen if the BHs
were artificially repositioned at the center of mass of the halo, as is
sometimes done in cosmological simulations.

We now focus on simulations with 104 M� seeds. After its

stellar and gaseous envelope has been dispersed (dotted line), the
BH should take 1-100 Gyr to sink toward the center of the galaxy,
and indeed, it stalls at⇠ hundreds of pc. This is in agreement with our
understanding of dynamical friction: it is a very long process if the
mass of the BH is low. The presence of a nuclear star cluster could
speed-up the process, increasing the mass experiencing DF, but this
is not the case here and the envelope of the BH is rapidly stripped
(dotted line). In the medium resolution case (MR_PD_BH1e4) the
BH in the larger galaxy has also been scattered, similarly to what
happened for the case studied in section 5.2. Accidentally, the two
BHs merge while they are both o�-center and the remnant of this

MNRAS 000, 1–11 (2017)
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Figure 6. Top panel: mean stellar density within 4�x around the satellite
BH as a function of time for a subset of the simulations listed in Table 3, as
noted in the inset. Bottom panel: ratio of the stellar density and gas density
within 4�x around the satellite BH, as a function of time.

merger remains hundreds of pc away from the center. If we admit
that this merger is physical, it is interesting to note that mergers of
light seeds BHs are possible, though the dynamics is highly erratic.
Multiple BHs in galaxies, each inherited from a di�erent merger,
are generically expected.

Finally, we compare HR_PD_BH1e5 and HR_PD_BH1e4 which
di�er only by the seed mass of the BH. In HR_PD_BH1e5, the BH
being more massive, it remains surrounded by a dense stellar cluster
which does not disrupt (no dotted line), increasing even more the
e�ective M

s

and resulting in a smooth decay to the center of the
main galaxy and a BH merger.

These experiments makes us believe that it is unlikely that <
104 M� seed BHs contribute significantly to the merging population
observable by LISA. This does not exclude that these BHs may
eventually sink in the center of galaxies and contribute to the massive
BH population, but the presence of a dense stellar cluster or of
bound gas on scales not resolved in this study, which would make
the e�ective M

s

larger, appears to be crucial (Schneider et al. 2002;
Omukai et al. 2008; Kazantzidis et al. 2005; Devecchi & Volonteri
2009; Lupi et al. 2014; Callegari et al. 2009; Khan et al. 2016).
O�-center mergers, happening by chance, as in MR_nGB_PD_BH1e4
could also contribute.

Figure 7. Top panel: distance of the BH to its host galaxy as a function
of time for all simulations listed in Table 3. Bottom panel: ⌧DF, computed
using Eq. (8), as a function of time; here Ms is the mass of the BH only.

6 CONCLUSIONS

We present a model to correct the dynamics of BHs in Ramses,
which is currently the only code to include a physically motivated
model for dynamical friction onto BHs from gas, stars and DM. We
use this model in a suite of cosmological simulations to understand
the dynamics of seed BHs (104 � 105 M�) in high-redshift galaxies
and during galaxy mergers. We summarize our findings below:

• DF from stars has generically a more stabilizing e�ect than DF
from gas, which can can shock and is subject to inflows and outflows.
In high-redshift galaxies, however, even the stellar distribution is
irregular and does not necessarily provide a smooth distribution
within which BHs can decay undisturbed. The presence of a satellite
galaxies can also perturbs the orbit of the BH.

• Given the results of our best resolution cosmological simula-
tion, it seems that BHs with masses of the order of 104 M� are
essentially subject to the fluctuations of the underlying stellar grav-
itational potential, which is leading to a random walk-type of trajec-
tory for the BH. This appears to be unique of a high-z environment
in which sub-structure undergoes rapid evolution. If BHs were to be
seeded in nuclear star clusters, or had masses of 105 M� or higher,
they would be well stabilized galaxy centres.

MNRAS 000, 1–11 (2017)
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Figure 8. Top panel: distance of the sinking BH to the central main galaxy
as a function of time for a subset of the simulations listed in Table 3, as
noted in the inset. If the BH in the satellite galaxy merges with the BH of the
central galaxy, we show its subsequent evolution with dashed lines. Bottom
panel: ⌧DF, computed using Eq. (8), as a function of time. We show the
di�erent phases: when the BH is surrounded by material (solid line), when
the BH is naked (dotted line) and when the BH has merged with the one of
the central galaxy (dashed line).

• Similarly, following galaxy mergers, if the mass of BHs in
satellite galaxies is ⇠ 104 M� , it is unlikely that they participate
in the merging population, although o�-center mergers can occur
fortuitously. If seed BHs have larger masses, ⇠ 105 M� , they can
smoothly reach the center of the larger galaxy and merge with the
companion BH.
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• z=9 zoom -in simulation of merging halos 

• stars have a stabilizing role in the dynamics of  black holes 

• in high z mergers also the stellar distribution create e fluctuating background which 
randomize the black hole dynamicst 

• need of sufficient “heavy seeds”



•Inside a relic asymmetric galaxy 
•Stalling of the binary due to loss of stars  
•Triple interaction with a third black 

holes 
•Kozai resonances 
•Chaotic three body interaction
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Figure 4. Di↵erential number of mergers (colour gradient and black dashed lines) occurring in the four models as a function of the
source-frame chirp mass and redshift during the planned 4-year of LISA lifetime. From the upper left panel, clockwise, we show models
LS-delayed, LS-stalled, HS-stalled, and HS-delayed. Superimposed we show the LISA sensitivity in terms of contours of constant S/N
(labelled by white numbers). Note how LISA is essentially blind to low mass, high redshift MBHB coalescences. Finally, for each model,
in the upper and right side-panels we show the merger rate (blue line) and detection rate (orange line) distributions marginalised over
redshift and chirp mass, respectively.
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• Detecting coalescing binary black holes across cosmic ages and 
over a wide range of masses, which implies detecting low and 
high frequency gravitational waves will lead to a deep 
understanding on the origin and evolution of the black holes of 
the universe 

• understanding the nature of massive black holes is of extreme 
importance 

• the two main avenues  — light versus heavy—- may not be the 
only possible and we need to critically study formation and 
dynamical processes to establish their role 

• only LISA and III generation of ground based telescopes will let us 
understand black holes 

• the gravitational universe promises many discoveries 

summary


