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1. ABUNDANCE SCALES

Hydrogen 73%

* Mass fractions

* X=H; Y=He, Z=all other elements (=metals) X+Y+Z =1 Helium 25%
Xsun= 0.7381, Ysun= 0.2485, Zsun= 0.0134
* (Asplund et al' 2009) Other 1%  Oxygen 1%

* [X/H] = log (nx/ nu)« —log (nx/ nH)...
* EX: [Fe/H] =—2 - star has 1/100 less iron than the Sun
. [Fe/H] =0.5 = star has 3.16x more iron than the Sun



Metcorites [

z | El Photosphere | Meteorites | Z | El Photosphere

1 | H 12.00 822 + 0.04 | 44 Ru 175 £ 008 | 1.76 + 0.03
2 | He (1093 + 0.01] | 1.29 45 Rh 091 + 010 | 1.06 + 0.04
3 | Li 105 + 0.10 | 3.26 + 0.05 | 46 Pd 157 £0.10 | 165 + 0.02
4 | Be 138 +£ 0.09 | 130+ 0.03 | 47 Ag 094+ 0.10 | 1.20 + 0.02
s | B 270 £ 020 | 279 + 0.04 | 48 Cd 1.71 + 0.03
6 | C 843 £ 005 | 7.39 £ 0.04 | 49 In 0.80 + 0.20 | 0.76 + 0.03
7 [N 7.83 + 005 | 626+ 0.06 | 50 Sn 204 £ 0.10 | 2.07 + 0.06
8 |0 8.69 + 0.05 | 840 £ 0.04 | 51 Sh 1.01 + 0.06
9 |F 456 + 030 | 442 +0.06 | 52 Te 2.18 + 0.03
10 | Ne [7.93 + 0.10] |-1.12 53 I 1.55 + 0.08
11 | Na 624 + 0.04 | 627 +0.02 | 54 Xe [2.24 + 0.06] | —1.95

12 | Mg 7.60 + 0.04 | 7.53 +0.01 | 55 Cs 1.08 + 0.02
13 | Al 645 £ 0.03 | 643 £ 0.01 | 56 Ba 218+ 0.09 | 2.18 + 0.03
14 | Si 7.51 £ 003 | 7.51 4+ 0.01 | 57 La 110 £ 0.04 | 117 + 0.02
15 | P 541+ 003 | 543 +0.04 | 58 Ce 158 +£ 0.04 | 158+ 0.02
16 | s 712 4+ 003 | 7.15 +0.02 | 59 Pr 072 + 0.04 | 0.76 + 0.03
17 | 5.50 + 030 | 5.23 4006 | 60 | Nd 142 £ 0.04 | 145 + 0.02
18 | Ar [6.40 + 0.13] [—0.50 62 Sm 096 + 0.04 | 0.94 + 0.02
19 | K 5.03 +0.09 | 5.08 +0.02 | 63 Eu 052 + 0.04 | 0.51 + 0.02
20 | Ca 634 + 004 | 6294002 | 64 | Gd 107 +£ 0.04 | 105 + 0.02
21 | Sc 315 + 0.04 | 3.05 4+ 0.02 | 65 Tb 030 + 0.10 | 032 + 0.03
2 | T 495 £ 0.05 | 491 4 0.03 | 66 Dy 110 £ 004 | 113 % 0.02
B3|V 3.93 + 008 | 3.96 + 0.02 | 67 Ho 048 + 0.11 | 047 + 0.03
24 | Cr 5.64 + 0.04 | 5.64 + 0.01 | 68 Er 092 + 0.05 | 0.92 + 0.02
25 | Mn 543 £ 004 | 5484001 | 69 | Tm 0.10 + 0.04 | 0.12 + 0.03
26 | Fe 7.50 + 0.04 | 7.45 £ 0.01 | 70 Yb 0.84 £ 0.11 | 092 + 0.02
27 | Co 499 £ 0.07 | 487 +0.01 | 71 Lu 0.10 + 0.09 | 0.09 + 0.02
28 | Ni 622 + 0.04 | 620+ 0.01 | 72 Hf 0.85 + 0.04 | 0.71 + 0.02
29 | Cu 419 + 0.04 | 425 +0.04 | 73 Ta —0.12 + 0.04
30 | Zn 456 + 0.05 | 4.63 +0.04 | 74 w 0.85 + 0.12 | 0.65 + 0.04
31 | Ga 3.04 + 009 | 3.08 4002 | 75 Re 0.26 + 0.04
32 | Ge 3.65 + 0.10 | 3.58 + 0.04 | 76 Os 140 £ 0.08 | 135+ 0.03
33 | As 230 + 0.04 | 77 Ir 138 +£ 007 | 132 +0.02
34 | Se 3.34 4 0.03 | 78 Pt 1.62 + 0.03
35 | Br 2.54 + 0.06 | 79 Au 092 + 0.10 | 0.80 + 0.04
36 | Kr [3.25 + 0.06] |-2.27 80 | Hg 1.17 + 0.08
37 | Rb 252+ 010 | 236+ 0.03 | 81 Tl 090 + 0.20 | 0.77 + 0.03
38 | Sr 287 + 0.07 | 2.88 + 0.03 | 82 Pb 175 £ 010 | 2.04 + 0.03
39|y 221+ 005 | 217 +0.04 | 83 Bi 0.65 + 0.04
40 | zr 258 +£0.04 | 253 4+0.04 | 90 | Th 0.02 + 0.10 | 0.06 + 0.03
41 | Nb 146 £ 0.04 | 141 + 0.04 | 92 U ~0.54 + 0.03
42 | Mo 1.88 + 0.08 | 1.94 + 0.04

SOLAR ABUNDANCES

* Present-day
solar photosphere
elemental
abundances

« Lodders et al. 2009
« Asplund et al 2009
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HOW TO EXTRACT ELEMENTAL
ABUNDANCES FROM THESE LINES




~N
OBTAINING INFORMATION FROM
SPECTRA

« Chemicalanalysis usually proceeds using a curve-of-growth technique.
» alternativeis to synthesize the whole region.



TO GET AN ABUNDANCE

o Start with ;

« StarID (spectraltype or photometric classification)
« Atmospheric properties — line formation
» Effective temperature + Surface gravity + “Metallicity”

* Then follow:
1. Interpolate published model atmosphere grids (or make own)
2. Compute theoretical (synthetic) spectrum for assumed abundances
3. Compare with observations and iterate on abundances
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2.5TELLAR PARAMETERS

- Effective temperatureT_4 T of a blackbody with same L and same R as the redl
star: L = 4TTR?C T4 4

« Surface gravity:g = GM / R? (usually expressed in cgs units and as logg)
* Metallicity Z or iron content [Fe/H], and [alpha/Fe]:

__mass of elements heavier than He

= (0.018for the Sun

total mass in a unit volume
7] =108 (), 108 (g )

[%] = log (%)* —log (%)Sun , where a is an a -element

sun



* Mulficolour photometry calibrated

with stars having fundamentally determined Teff
— Johnson’s UBV

— Stromgren’suvby
— GenevaUBV BT B2VI G

« Low resolution spectroscopy:
ratios of suitable strong lines — T
or spectral type + calibration T, vs spectral type

Source: Bessell 2005

: e =
JSBGSSESS‘B%SS
T

2.1 HOW TO DETERMINE Ter?

/ \ \\“”“"

Stromgren E
=

§



2.1.HOW TO DETERMINE Ter2

» Spectroscopic T4 indicators: excitation equilibrium

T IS determined such that the abundance of an element (usually Fe) is
independent of the excitation potential (X...) of the individuallines

« One needs many lines of asingle element sampling a range of X.,. iron Final
precision depends on spectral resolution, choice and number of lines and
S/N ratios

y = A + Bx = -0.87 (£ 0.14) + 0.006x (+ 0.037), rms=0.217
0 - - - r - - 1 - r T T T
i v
-05F 0 O A
—_ I [ ®_ o] A
E . 0’,,-, Y S ,-,,’f,f,‘,: ,,,,,,,,,,
6 —1 L A P M O ¢ v
B . ¢ ‘1
r . ovY
L . *
-1.5 C )
.............................
1 2 3 4 5

Source: Letarte, PhD
Xex (€V)



HD 84937

« Spectroscopic T4 indicators: Hlines
* Wings of Balmerlines (above 5000K)

« Cool stars: OK
Log g and metallicity sensitivity is low,

* some dependence on the mixing-length parameter ™
* Main challenge:recovering the intrinsic line profiles ..

T

— —
S/N=1320

0.95

0.90

lative flux

= (.85

L

T.q= 6440K

from (echelle) observations and proper normalization ekl
« Hot stars: Balmerlines can constrain the surface gravity
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2.2. HOW TO DETERMINE LOGG®

1 T I | [ [ [ | T [ [ [ ] | [
Log
1.0 &

m ; -
» Spectroscopy: s _————“\\2 -
* Ratio of Fe Il to Fe | lines ' ;

. . s 06 _|
» B-type stars: profile of H Balmer lines & logw oz

 Later type stars: profile of o4 7]
strong metallic lines 02— L -
(e.g. Na| D doublet, Ca llinfrared triplet) Lo xsffr"."si"l YRR BRI S

- Calibrated photometry - L

« Parallaxes= L, R, (M) —» ¢




2.2. HOW TO DETERMINE LOGG®

» Spectroscopic log g: ionization balance
* Measure of elements in two ionization states (e.q., Fel & Fe Il):
both should yield same abundance, A. )

0 . ' Hydrostatic equilibrium dP/dt,= g/ K,
« Gravity is a free parameter, —
to be varied until equality is reached.

1.0 Gravity dependence

Lo . . Fe 1l 14508 N
By definition, gravity is related to :
2/3 1/3 o
P,ag?*and P, agV ool _ o,
* In cool stars: S /

* Fe |, the dominant species, 05

will depend on 1/Pe E'Q ‘
* Fe ll, the minority species, ™ SR
« with majority of atoms instate i—1=1, I
will depend on 1/Pe ool
Ax (A)

Aloge = 0.1dex > Alogg = 0.3dex (0.1dex = line-to-line scatter)



» Spectroscopiclog g: BalmerlLines
Hy: pressure indicator for T.;> 7500K

1.0

0.8
= 0.6
o

0.4

0.2

2.2. HOW TO DETERMINE LOGG®e

{ I | | | ] | | | | l ] | 1 1 [ | | | | ] | |
Log g
\\2
0.30 }— 3
- 0.25 b— 4
ilﬂ 0.20 —
| 0 logg
0.15
- Lt
10 12 14
Toqe 10° °K
AN TR TR NN AN NN NN N NN N NN N N N O NN N
40 30 20 . 10
AN, A



2.2. HOW TO DETERMINE LOGG®

» Spectroscopiclogg: the strong line method 10|
Damped (neutral) lines show a strong '
gravity sensitivity, because L, oy Pg/ g /3

star

F/Fe

o
o ©
I——8°°
%o
C o
%o
O,
%
3
8
2
5
H

051 Cal A6161.30

* Like with ionization equilibria,
log € needs to be known
» pbest if obtained from weak lines

Models: logg = 4.00

7 Cet HR 509

G8V

T—Ca | A6162.18

0.0

of the same ionization stage,
preferably originating from the same lower state:
Cal 6162,Fel 4383, Mgl 5183, Cal 4226

Below [Fe/H] # -2, there are no optical lines strong enough
to serve as a surface-gravity indicator

Wavelength

Source: Gray, Fig. 15.4



* Photometriclog g
Largest gravity sensitivity: Balmerjump at 36474

» Colourindiceslike (U -B) or (u—-y) measure the
Balmer discontinuity

» Disadvantages:
high line density in spectral region (missing
opacity problem)

« difficulties with ground-based observationsin th
near-uVv

* The cl index [(u—-b)-(b-y)] works well for metal-
POOr giants (onehaget al. 2008)

log 3,(ergs/s per cm? per c/s)

N
2.2. HOW TO DETERMINE LOGGe

=m1l

: . : : :
Ty~ 5776 X S,
So 3 Al

LN B L
.. . .
0 . N
3 Ky iy
0 B .
") s .
"

f

080 4621 ]
/___—__——‘ 065 3754 ]

— logg=4.43

--ee- logg=2.00
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2.00 11552 ]
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1.00 5776 ]

1 ! 1 L L ) 1
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2.3. HOW TO DETERMINE (A FIRST
GUESS OF) [FE/H]2

L i I T | L | LI | L

Calibrated photomeiry F S 3. g 33 . 4

« After T, (and maybe reddening) [ — :

the global metallicity haslargestinfluence L ; i{ ]

on stellar flux = o’ e :

« Difficult for stars with [Fe/H] <-2 E -1} : N\ .

(e.g. (U -B) loose senisitivity) L -

« Limited precision: =0.3 dex Bl T ]
’cp

| .? 1 1 1 1 | R T T SN TR

5000 6000 7000 8000



2.3. HOW TO DETERMINE (A FIRST
GUESS OF) [FE/H]2

« Spectroscopy:

* €.g9. equivalentwidth of some strong lines

BL239 T4119 g0.89 v2.1 z—0.86

([Fel/H]) = —0.88 N, = 43
----------------------------
OF
v
-0.5 O ]
'E A‘ A ’. ® Q b A .‘.A
N A A
v O] 4 & v
L -1 A 0,‘. ° 4 °
- [ . v v
[ e
~15F
T
5400 5600 5800 6000 6200 6400 6600
Wavelength A (R)
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2.4.HOW TO DETERMINE THE
MICROTURBULENCE VELOCITY?

« Observed EW of saturated lines > predicted values using thermal and natural
broadeningalone - exira broadeningintroduced, the micro-turbulent

velocity € (fudge factor)

« Caused by small cells of motion in the photosphere (treated like an
additional thermal velocity in the line absorption coefficient)

+ No effect on weak lines: these are gaussian, broadening them also makes
them shallower - EW is preserved

« Can be importantin strong lines, by broadening and hence de-saturating

Them' A+ B 0.87 (+ 0.08) 0.00025x% (+ 0.00087) 0.216
y = + Bx = —-0. + 0. + . x (£ 0. , rms=0.
* |t is usually determined by ensuringthat o | | |
for individual elements EW is independen - °¢ e W DU e .
of line. Typical values are 1-2 km/s. E Tl e e T ere
_1.5:_ . *
5‘0 1(I)O 1éO

Source: Letarte, EW (mA)



« 3.1. Why are « photospheric » lines in absorption?
* The formation of absorption lines can be
understood by studying how the source function
S, changeswith depth.

W, a d (InS,)/ dr,

I. atmospheric structure

4000

8000

5000 [

3. SPECTRAL LINE FORMATION &

PROFILE

‘Niiii;:::

Teff = 6000°K

s logg=1.5
°99 Bell et al. (1976)
v logg=3.0

a logg=1.5

Kurucz (1979)

v logg=3.0

[ — S,=1.04
6000 |-




3.1.SPECTRAL LINE FORMATION

Il. Absorption lines : Negative T gradient — source function YNoutwards
=photosphericlinesin absorption (similarargumentthan for limb darkening)

S,/ =line source function:
It reduces to the Planck F»(0) Sy
functionfor Boltzman'sstatisticy ~ \N /A~ ([ ———"—5

Ty =7, at AN = A},

Ty = 7 at AN = A),
. 3
2 1 :
g/ _Jv _ hv 1 7, = 7, at A\ = A),
14 2 N - -

KV C 82 1_1 ”' T, =71, at AA =0

0 AX Log 7
&N, MJ\ l&m\ °

t AN, 78 Here 1, is the continuum standard

optical depth linked with geometric
depth (e.g. T5q0)

» Source: Gray
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3.1.SPECTRAL LINE FORMATION

lll. Transfer equation: solution provides detailed line profile

dl
=—] +S,
dTv .l .
LTl . :
Where S, =—— s the source function,
K, + K,

and dz, = (x, + &, Jodx is the infinitesimal optical depth.
« [:specific intensity (ergs' cm?sterad! Hz ')
« j,.emissivity (ergs! g sterad! Hz')
« K,: absorption coefficient (cm? g)
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3.2./IONIZATION STATE & ENERGY
LEVEL

+ Whatwe want: _
1. Enough atoms in the right ionization state(LTE assumption) U _Zg exp(—liﬂ/ )
i in T

« Saha's equation

Ni+1Ne — 2 Ui+1 (2mekT)3/ze—li kT

N, u \ n
2. Enough atoms or ions excited in the rlgh’renergy Ievel (LTE assumption)
« Boltzmann's stafistics

Y =EFE —E,

N, _ & o (E2=EV /KT
N, g

Relative population
of the excited level
compared with that
of the ground state

« Combination of both —

Temperature

Line Strengti)



3.3. LINE WIDTH: BROADENINGS

* Natural width: (Lorentzian profile, very narrow) AE A1=h/21m
« y: damping constant ) )
+ f oscillator strength K p=NT yl4rx
. v: line center Y mec’ (V=v,) +(yl4n)’
* N: number density of absorbing atoms/ions
 Typical FWHM: AA=5 x104A

« Thermal (or Doppler) width: gaussian profile — center
« thermal motions of the atoms, randomly distributed shifts

2 2
* Mean abs. coefficient per atom: ¢ dv= e f 1 ex{{ AVJ Jdv

mc = Av,

1

AV: V—VO AVD:&V :ﬁ(Zk_sz

0
c C m

N | =

, Vo| 2kT
* In practice, one has to infroduce a microturbulent velocity: A, :—0(—+ Utursz
- Typical FWHM: AA=0.4 A c\m



3.3. LINE WIDTH: BROADENINGS

» Pressure (collisional) width: (van der Waals) (Lorentzian profile) collisions
between particles (energylevels change) — wings , damping profile,
Ye (CcoOol stars)

« Zeeman: In sfrong magnetic fields atoms can align in quantumways causing
slight seporo’nons in the energies of atoms in the same excitation levels. This
Tﬁpll’rs I jrrhe lines info multiple components. The stronger the field, the greater

e spliting.

* Hyperfine: Interaction between the nuclear magnetic dipole with the
magnetic field of the electron can perturb the energy levels of an atom

* Energy level dependent: different for each line

. IS’rc::rl; Perturbation by electric fields: damping profile y, (hot stars, esp. H
ines



 Total absorption coefficient per atom:
» a(total)= a(nat.)x a(v.d.waals)x a(stark)x a(thermal)

* Wherey = ypar +va +ve

« Convolution of

« damping andthermal profiles:
 Voigt function

1.0 |-

FyJF.,

05}

0.0

3.3. LINE WIDTH: BROADENINGS

Total absérption coefficient per atom:

Damping
| Doppler

Ao

Wavelength

§



e Balmer transitions:

 (from the n=2 excited level)

« strongest in A stars because
thatis where N (HI, n=2)is
highest

- 450000

|- 500000

|- 300000

Fe

Na
L h- H-p 5270
| 250000 414347 4861.33 5"1‘?3 5889
o 5895
5184

[ 200000
I 150000
I 100000
| so000

4600 5100 5600

Spectra of two stars

Log (flux per unit wavelength) (arb scale)

-0.5 .

400 450

500 550 600 650 700 750 800

Wavelength (nm)

6100

flux F, (arbitrory units)

H-a

6562.852

6600

N

-

7100

7600

HYDROGEN LINES
HE 4 T

|- ssoooo

8100]

Al dwarf

wavelength (&)

L Call K
I |
[ Balmer A3 gl'cmt
rlimit
4
H Hé Hy
L3 He
[ A3 supergiant 1
| | L | L
4000 4500 5000
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HELIUM LINES

« Second most abundant

HS 2333+3927 HS 0232+3165

element VYV YT '“"i“\(‘“‘}( “’\[‘Wf”

» Detectable only in very Y Y T YT s

(9]
hot stars, O- and B-types * - Ve
g HS 2151+0214 I HS 1552+6333
=
o HS 2033+0327 HS 2240+1030
g -0 -1.0
E I HS 2218+0201 I u u u HS 2100+1710 V ]
£ L L
[e] L L ]
=) f ‘ V HS 1831+7647 V V u U HS 0048+0026 v
-15 | -+ 1 -15
HS 2213+1336 HS 1051+2933
| [ | T | [ | ]
+ I Hel | IHel Hel Hell I Hel Hel + I Hel | |Hal Hel Hell | Hel Hel
-_2opH % 0% o T A& qR0
4000 4200 4400 4600 4800 5000 4000 4200 4400 4600 4800 5000

Source:Edelmann et al. 2003, A&A, 400, 393 AR N

FAdAlanmia A+ ~Al N
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METAL LINES

T T
TG + VO

Tio + Ha

Line strength depends on level
population of the atoms.

Strongest when temperatureis low
(lower ionization stages are populated)

Lines become stronger as T decreases
Dominate in F, G, K stars

[
I
I
|

flux F, (arbitrary units)
N
T — T
<33 | |
a
al ]
a
T — =
m =
= T
o
I 2°
I L
T ™
=
[fe]
5
=
o]
L}
T
2
> )
= N
1 1 1

4000 5000 6000 7000
Source: Tolstoy wavelength {(4)



MOLECULAR BANDS

Form in very cool stars (M-, L-, T-types) | 70
Can vibrate androtate, e
Flux significantlyreducedin bands
Electron fransitions: Visible+UV lines
Vibrational fransitions: Infrared lines
Rotational transitions: Radio-wave lines

M-stars: TiO
L- / T-stars; CO, H20O and CH4

8000

Source: Kirckpatrick et al, 1999, 2000 Wavelength (A




DOMINANT FEATURES

Temperature (K)

50,000 25,000 10,000 8,000 6,000 5,000 4,000 3,000
I T [ T T | 1

=

5

o

S

A

Spectral type



4. FROM LINES TO ABUNDANCES

* Need to relate intensity/strength of an observed line to amount of
corresponding element in original stellar gas,

 i.e. need to find the number of absorbing atoms per unit area (Na) that have
electrons in the proper orbital to absorbb a photon at the wavelength of the
spectral line

» Boltzmann and Saha equations are applied and combined with the pressure
and temperature of the gas to derive an abundance of the element (i.e. to
calculate excitation and ionization)

V



4. FROM LINES TO ABUNDANCES

* However, not all fransitions between atomic states are equally likely. Each
transition has a relative probability, or f~value (also called oscillator strength).

« Can be calculated theoretically

or measuredin a lab -
« to find the number of atoms 7 \/

lying above each cm? of photosphere:
* N, xf-value

0 | ! L ! | !
-0.3 0.2 -0.1 0 0.1 0.2 0.3

AX (A)

Figure 9.20 Voigt profiles of the K line of Ca II. The shallowest line
is produced by N, = 3.4 x 10! ions ¢cm~2, and the ions are ten times
more abundant for each successively broader line. (Adapted from Novotny,
Introduction to Stellar Atmospheres and Interiors, Oxford University Press,

New York, 1973.)
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4.1. EQUIVALENT WIDTH:

- Geometric interpretation: W, =T ——=dA =TT 1T PR
, > o Lo . ﬁ
W, =width of a rectangular, compieiely opaque line : \
el FWHM
« For a 2-componentatmosphere L F N /|
E
(continuum source+coollayer of depth h), - \/
.pe . .. )4 (0)6_[K’ (K. (A)]h
let the rectified line profileis: r(1)="2 O — ¢ M1 (D
e_KC [0 1) Lo L]
* Then = — ’ Wavelength A
W,= | [1-r(A)k4 g
Figure 3.7: The equivalent width of an absorption line is defined as the width of
0 2 a rectangle that has an area equal to the line, as illustrated in grey. Adapted from
. . ﬂ"e . ljigm‘o 9.18 of CarrollL& Ostlie (1996)
+ For faintlines: W,= T K (A)h-dA= NhT 0, dA=Nhf ——— o< NhfA

m, ¢
+ where N is the number density of atoms able fo absorb the incidentradiation



 Weak lines: inear part W o< A

undances of elements in stellar atmospheres, because EW varies with Ng.

« Doppler core dominates and the width is
set by the thermal broadening AAp.
Depth of the line grows proportionally

to abundance A
- Saturation: plateau W =<+ log A

Strong line

« Doppler core approches max. value and line
saturates towards a constant value

- Strong lines: W < VA
« damping wings dominate

e best for

5m0\\/ "(‘;eo’?\\ée deter

« optical depthin wings becomes significant compared tok,,.
« Strength depends on g, but for constant g

the EW is proportional to A2

Il I | | | |
—-06 —-0.4 -0.2 0.0 0.2 0.4 0.6



4.2. CURVE OF GROWTH

« CoG dependencies: temperature
« Temperature can affect line strength
« CoG shape looks the same, only shifted for different values of the excitation

potential i

1 2 3. 4 5

X—> 0
7 //////

1 | | 1 | I | | | |
-13 -12 -1t =10 -9 -8 -7 -6 -5 -4 -3




§

4.2. CURVE OF GROWTH

« CoG dependencies: gravity

« Gravity can affect line strength through:
 N,/Ng 1T, Al at given W/A
« effect important only for ionized species




4.2. CURVE OF GROWTH

« CoG dependencies: microturbulence

» Effect of microturbulence:increase of Doppler width desaturates the lines
« = strong linesuseful to get V,,, =

I I f

Log

—-12 -1 -10 -9 -8 -7 —6



4.3. COG ANALYSIS FOR
ABUNDANCES

Advantages:
Simple, you measure the equivalent width of a line and read the abundance off
the log W vs log A plot

Disadvantages:

Lots of calculations . .
Difficulty in dealing with microturbulence and saturation effects:

Make an initial guess of F .
IT.heore’riccl cogs are calculated for all measured EWs of some element with lots of
ines

From each line one derives an abundance A and plots it vs W

If Ais found to be a function of W - & must be wrong

One happily choose a new ¢ and start all over
This must continue until one finds convergence |

V
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4.4, SPECTRUM SYNTHESIS

* In reallife, one nolonger does a curve-of-growth analysis, but rather a full
spectral synthesis. -

0.6 [ Lall AT \ Yl -

Fel
*‘ Fel, Ce ll, Sm Il blend ]
0.4 1 1 1 1 1 1 1 ! 1 1 1 L 1 | )
4123 4124 4125
Wavelength

Fig. 16.9. The circles show the observed spectrum, while the lines are for

models (T,;=4725K, log g=1.70, and {=1.60 km/s) with different chemical

abundances. The solid line is deemed to fit best. Based on data in Fig. 2 of

Burris et al. (2000). The resolving power is ~20 000 and the signal-to-noise
ratio ~100.



4.5. LINE LISTS

« A proper line list is a critical part of the analysis. Lines need to be chosen
carefully, making sure they have reliable gf-values and are sufficiently
isolated from their neighbours at the resolution of the observations and of
course to lie within the wavelength coverage of the instrument.
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5. STELLAR ABUNDANCES IN
PRACTICE

 Data needed:

1- Observed spectrum normalized to the continuum, and equivalentwidths

2- Model atmospheres (esp.T-trelation)for various T, logg and chemical
compositions

« Kurucz models (ETL, plane parallel): very extended grid,
» http://kurucz.harvard.edu/grids.ntml
« MARCS models (ETL, plane parallel): for cool stars (4000 to 8000 K)

« http://marcs.astro.uu.se/

« TLUSTY models (NLTE, plane parallel): for hot stars (27500 to 55000 K)
» hitp://nova.astro.umd.edu/Tlusty2002/tlusty-grids.html

v



broadening parameters
* Need to know: A, Eows Jow: T Y1, Y2

* NIST Atomic Spectra Database
« http://physics.nist.gov/PhysRefData/ASD/lines_form.html

w

5. STELLAR ABUNDANCES IN

PRACTICE

3- Line data: wavelengths, excitation potentials, oscillator strengths,

Fel,Fell

¢ Fuhr, J. R., and Wiese, W. L. 2006, J. Phys. Chem. Ref. Data, 35,
1669.

« VALD Vienna Atomic Line Database

Zrll ¢ Ljung, G., Nilsson, H., Asplund, M., and Johansson, S. 2006,
Astronomy and Astrophysics, 456, 1181.

Bal, Ba 1l * Klose, J. Z., Fuhr, J. R,, and Wiese, W, L., 2002, J. Phys. Chem. Ref.
Data, 31,217

Lall Lawler, J. E., Bonvallet, G., and Sneden, C. 2001, The Astrophysical
Journal, 556, 452.

Cell Palmen, P., Quinet, P., Wyar, J-F., and Bi¢mont, E. 2000, Physica
Scripta, 61, 323.

Pril Biémont, E., Lefébvre, P.H., Quinet, P., Svanberg, S., and Xu, H.L.
2003, The European Physical Journal D, 27, 33.

(Prll-hyper) | Ivarsson, S., Litzen, U., and Wahlgren, G. M. 2001, Physica Scripta, 64,
455.

Nd 11 Den He en, C., and Cowan, J. J. 2003,
The Asf me eries, 148, 543,

Sm 1l Lawler, J. F en L ECAL S , and Cowan, J. J. 2006,
The Astroph i ries, 162, 227,

Eull Lawler, J. | og, E. AL and Sneden, C. 2001,

« http://www.astro.uu.se/~vald/php/vald.php

The Astrophysical Jou

Dy I, Dy 11

Wickhiffe, M.I <, and Nave, G. 2000, Journal of

adiative Transfer, 66, 363.

« HITRAN High-resoluDon TRANsmission molecular absorpfior

Tm I, Tm I | Lawler

« http://www.cfa.harvard.edu/HITRAN/



5. STELLAR ABUNDANCES IN
PRACTICE

* Tools needed:

1- Data reduction software:
 raf, MIDAS, IDL and/or instrument-specific pipelines

2- Good procedure for continuum normalization:
« REDUCE, VLINE, .. (not so easyl)

3- Code of spectral synthesis, abundance & microturbulance calculationse.g.:
« ATLAS, SYNTHE, WIDTH (Kurucz)
« http://kurucz.harvard.edu
« Synspec (Hubeny & Lanz) for hot stars
* http://nova.astro.umd.edu/Synspec43/synspec.himl
* Moog (Sneden) for average and cool stars
» hittp://verdi.as.utexas.edu/moog.html




5.2. ABUNDANCE ANALYSIS

line data
e.g. ATLAS9, MARCS ; from literature,
T 109 g, Yol ot - line list databases
[M/H], v moael atmospnere —1 lIne lIS _l (e.g. VALD)

4
> [M/H] | synthetic spectrum

or equivalent widths

fix element
abundance

e.g. SYNTH, MOOG, WIDTH9, LINES

model
atmosphere
ok?

last
element?

convolved spectrum <]

FWHM,
vsin i,

FINISHED

macro

line list for
selected element

line profiles
or ew fit?

comparison
ok?

observed
spectrum ©2002 U. Heiter
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5. STELLAR ABUNDANCES IN
PRACTICE

« Expected precision:

* |t is difficult to determine :

* the temperature of a starto betterthan 50-100 K

» the gravity of a star to better than 0.1-0.2 dex

* the microturbulent velocity of a star to betterthan 0.2km/s
» Differential abundances (rel. to the sun): = 0.04-0.05 dex
« Absolute abundances: > 0.1-0.2 dex!

* Problems:
« NLTE effects
« Uncertain or wrong log(gf) values
» 3D hydrodynamic models — Z,,,=0.012 instead of 0.018!



WHAT DO WE LEARN FROM
ABUNDANCES?

« We seeks to account for the production of the chemical elements that we
see in the Universe, its fime dependence and for many of the features of
galaxies that we observe. Understanding stellar evolution, the birth and
death of stars and how they interact with their environmentsis central to
understandingthe evolution of galaxies.
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